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Abstract

Galaxy clusters consist of hundreds to thousands of galaxies. The space between the
galaxies is filled with a hot plasma, known as the intracluster medium (ICM). Galaxy
clusters are magnetised. Radio observations reveal that the magnetic fields, embedded
into the ICM, have field strengths of ∼ µG and coherence lengths of ∼ kpc. The details
about how these magnetic fields are created and how they evolve to the observed state
are not yet fully known. Magnetic fields in galaxy clusters can be created in structure
formation processes via means of the Biermann battery at the order of ≈ 10−20G.
Theories suggest that, starting with a small seed field, the magnetic fields in the ICM
can be amplified to the observed strengths. The underlying process is referred to as
a turbulent small-scale dynamo. It converts turbulent, kinetic energy into magnetic
energy. Non-radiative galaxy cluster simulations show that the turbulent small-scale
dynamo is able to grow magnetic fields to the observed strengths within the age of
the universe. In the framework of this thesis, we analyse how adding radiative physics
modifies this picture. We analyse the fifth most massive galaxy cluster with a mass
of ∼ 3 · 1015M⊙ from a cosmological simulation. We analyse two different simulations
of this galaxy cluster. The first simulation includes a module for solving the ideal
magnetohydrodynamics (MHD) equations, a gravity solver and a module for radiative
physics. The second simulation only includes the MHD and the gravity module. We
analyse and compare both simulations. The magnetic field grows faster in the radiative
simulation. In the radiative simulation, the magnetic field reaches the final strength of
∼ 5µG in the central regions at a redshift of z ≈ 3.5. In the non-radiative simulation,
this happens at z ≈ 1. The galaxies in the radiative simulation grow magnetic fields
with strengths of ∼ 20µG approximately within the same time. The magnetic field
grows in three epochs in the radiative simulation. After the collapse of the protocluster,
from 9.5 > z > 4.5, the magnetic field grows mainly in the central ICM. The center
is dominated by the high densities and feedback induced turbulence in the central
galaxy of the cluster. After the first merger, from 4.5 > z > 3.5, the magnetic field
experiences an exponential growth phase. The exponential growth is associated with
the galactic magnetic fields. These are injected into the ICM via galactic winds or ram
pressure stripping. The merger at z = 4.5 injects turbulence into the ICM such that
the turbulent small-scale dynamo can pick up the high galactic magnetic fields as initial
fields and amplify them until z = 3.5. From z = 3.5 on, merging substructures enrich
the ICM with their own gas. The gas has a similar magnetic field strength, compared
to the ICM. The merging substructures also keep the level of turbulence in the ICM
high. This turbulence feeds the magnetic field, which would otherwise decay, and
mixes central and higher radii ICM. Inside galaxies, the magnetic field grows fast due
to high gas densities and a high level of turbulence. A large fraction of galaxies loses all
their gas. This starts already at z = 9. This fraction grows with time. We see evidence
for ram pressure stripping, as well as for galactic winds caused by supernovae. The
magnetic field profile evolution is closely related to the metallicity profile evolution.
Furthermore, there is a positive correlation between the metallicity and the magnetic
field strength in the ICM from z = 2 on. The similarity between the magnetic field
and metallicity distributions in the ICM shows, how closely related galactic magnetic
fields are to those in the ICM. In the non-radiative simulation, the magnetic field
experiences an initial growth of the magnetic field with the collapse of the protocluster.
Afterwards, it stays constant between the redshifts 9.5 > z > 4.5. We define two
growth phases for the following growth of the magnetic field in the non-radiative
simulation. Between the first and the second major mergers, at 4.5 > z > 2 it starts
to grow exponentially. After the second merger at 2 > z > 1 it grows with an increased
rate. The amount of turbulence is approximately the same in both simulations. Only
the very central ICM shows an increased level of turbulence at 9.5 > z > 4.5 in the
radiative simulation. Our findings are an important step towards understanding the
evolution of the magnetic field in galaxy clusters and the contribution of galaxies and
their interactions with the ICM. Understanding the evolution of magnetic fields is
important as they are intrinsically linked to physical processes in the ICM such as
conduction, viscosity, cosmic ray acceleration and transport, and the observed radio
emission.
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Zusammenfassung

Galaxienhaufen enthalten hunderte bis tausende Galaxien. Den Raum zwischen den
Galaxien füllt ein heißes Plasma, bekannt als das Intracluster Medium (ICM). Galaxienhaufen
sind magnetisiert. Radio Observationen zeigen, dass die Magnetfelder, eingebettet in
das ICM, Feldstärken im Bereich ∼ µG und Kohärenzlängen von ∼ kpc haben. Die
Details darüber, wie diese Magnetfelder entstehen und wie sie sich entwickeln sind noch
nicht komplett bekannt. Magnetfelder in Galaxienhaufen können in Strukturformationsprozessen
mit der Biermann Batterie in der Größenordnung von ≈ 10−20G kreiert werden.
Theorien zufolge können kleine Ausgangs-Magnetfelder durch einen Prozess namens
turbulenter Dynamo zu den beobachteten Stärken amplifiziert werden. Der turbulente
Dynamo konvertiert turbulente, kinetische Energie in magnetische Energie. Nicht-radiative
Simulationen von Galaxienhaufen zeigen, dass der turbulente Dynamo Magnetfelder
mit den beobachteten Stärken im Alter des Universus erzeugen kann. Im Rahmen
dieser These analysieren wir, wie radiative physikalische Prozesse dieses Bild modifizieren.
Wir analysieren den fünft massereichsten Galaxienhaufen mit ∼ 3 · 1015M⊙ aus einer
kosmologischen Simulation. Wir analysieren zwei verschiedene Simulationen von diesem
Galaxienhaufen. Die erste Simulation enthält ein Modul für die magnetohydrodynamischen
(MHD) Gleichungen, einen Gravitations-Solver und ein Modul für radiative Prozesse.
Die zweite Simulation enthält nur das MHD Modul und den Gravitations-Solver. Wir
analysieren und vergleichen beide Simulationen. Das Magnetfeld wächst schneller in
der radiativen Simulation. In der radiativen Simulation erreicht das Magnetfeld die
finale Stärke von ∼ 5µG bei einer Rotverschiebung von z = 3.5. In der nicht-radiativen
Simulation wird das bei einer Rotverschiebung von z ≈ 1 erreicht. Die Galaxien in
der radiativen Simulation haben Magnetfelder mit Stärken ∼ 20µG, die etwa zur
selben Zeit erreicht werden. Das Magnetfeld in der radiativen Simulation wächst in
drei Epochen. Nach dem Kollaps des Proto-Galaxienhaufens, von 9.5 > z > 4.5, wächst
das Magnetfeld primär im zentralen ICM. Das Zentrum wird von den hohen Dichten
und Feedback-induzierten Turbulenzen der zentralen Galaxie dominiert. Nach dem
ersten Merger 4.5 > z > 3.5, wächst das Magnetfeld exponentiell. Das exponentielle
Wachstum ist verbunden mit den Magnetfeldern in Galaxien. Die galaktischen Magnetfelder
können durch Staudruck oder galaktische Winde mit dem ICM vermischt werden. Der
Merger bei z = 4.5 versetzt das ICM mit Turbulenzen, so dass der turbulente Dynamo
die galaktischen Magnetfelder als Ausgangsfelder nutzen kann und so die Magnetfelder
im ICM bis z = 3.5 verstärken kann. Ab z = 3.5 mixen Merger ihr eigenes Gas, welches
eine ähnliche Magnetfeldstärke hat, mit dem ICM. Die Merger sorgen auch für ein
konstant hohes Turbulenz-Level im ICM. Diese Turbulenzen füttern das Magnetfeld,
welches sonst zerfallen würde, und sie mixen zentrales ICM mit äußerem ICM. Eine
große Fraktion aller Galaxien verliert ihr Gas. Dieser Prozess startet schon ab z = 9.
Diese Fraktion wird mit der Zeit größer. Wir sehen Hinweise darauf, dass das Gas
durch Staudruck oder galaktische Winde entfernt wird. Die Evolution des Profils
des Magnetfeldes weist große Ähnlichkeiten zu dem Profil der Metallizität auf. Wir
sehen eine positive Korrelation zwischen der Metallizität und der Magnetfeldstärke,
beginnend ab z = 2. Die Ähnlihkeit zwischen Magnetfeld und Metallizität im ICM
zeigt, wie eng galaktische Magnetfelder und die im ICM, miteinander verbunden sind.
Auch in der nicht-radiativen Simulation erfährt das Magnetfeld ein erstes Wachstum
mit dem Kollaps des Proto-Galaxienhaufens. Darauf bleibt das Magnetfeld konstant
zwischen 9.5 > z > 4.5. Wir definieren zwei Wachstumsphasen für das Magnetfeldwachstum
danach. Zwischen dem ersten und dem zweiten größeren Merger, 4.5 > z > 2 beginnt
es, exponentiell zu wachsen. Nach dem zweiten Merger, zwischen 2 > z > 1, wächst
es mit einer erhöhten Rate. Das Level an Turbulenzen ist ungefähr gleich in beiden
Simulationen. Nur das zentrale ICM zeigt ein leicht erhöhtes Level an Turbulenzen
zwischen 9.5 > z > 4.5 in der radiativen Simulation. Unsere Ergebnisse sind ein
wichtiger Schritt hin zu dem Verständnis von der Evolution von Magnetfeldern in
Galaxienhaufen und wie Galaxien damit zusammenhängen. Es ist wichtig, dass wir
Magnetfelder verstehen, da sie fundamental sind um physikalische Prozesse, wie Konduktion,
Viskosität, die Beschleunigung und den Transport von kosmischer Strahlung und die
beobachtete Radio Strahlung zu begreifen.
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1 INTRODUCTION

1 Introduction
The Universe is magnetised. Astrophysical magnetic fields can be found across a great
range of different scales (Donnert et al., 2018). These scales reach from stars (106km), at
the small scales to galaxy clusters (∼ Mpc), the biggest gravitationally collapsed objects
that we know of (Reblinsky, 2000). Magnetic fields in galaxy clusters can be observed via
synchrotron emission at radio wavelengths (van Weeren et al., 2009; Botteon et al., 2022).
Other measurement methods go via the Faraday rotation measure (Taylor et al., 2001;
van Weeren et al., 2019; Osinga et al., 2022). How are magnetic fields in galaxy clusters
created? What amplifies them? So far, there is no definite answer. There are different
astrophysical mechanisms that can potentially produce magnetic fields in galaxy clusters,
similar to the ones that we observe.

Numerical simulations are a useful tool to investigate these questions. The creation and
amplification of magnetic fields has been studied in simulations of stars, galaxies, galaxy
clusters and whole cosmological boxes. These simulations differ in their setups. The
objects can be simulated in isolation, which means that there is no large scale interaction
with the environment. Or they are simulated as part of a bigger cosmological box,
where environmental effects can heavily influence the simulated object. Furthermore, the
simulations can include radiative physics, meaning a model for gas cooling, star formation,
black hole formation and associated feedback models is included in the simulation. To
choose a setup, it is a question of computational power, desired output and availability.
To be mentioned are simulations of galaxy clusters that investigate the evolution of the
magnetic field performed by other groups. Marinacci et al. (2015) perform a cosmological
simulation, where they run a setup, including radiative physics and the other one, only
using adiabatic considerations. They analyse the magnetic field evolution in the cosmological
box. Miniati & Beresnyak (2015b) simulate an isolated cluster using the CHARM code
without radiative physics. The structure formation induced feedback is reconstructed from
a merger history code. Roh et al. (2019) also simulate an isolated cluster without radiative
physics. Interactions with the environment are computed separately and inforced. Basu
& Sur (2021) use the FLASH code to simulate a non-radiative, isolated cluster. Also
here, the environmental interactions are inforced. Vazza et al. (2018) use the ENZO code
to perform a cosmological simulation of a galaxy cluster. They do not include radiative
physics. Steinwandel et al. (2022) do a cosmological, non-radiative simulation using the
GADGET3 cosmological code. Adduci Faria et al. (2020) studied the magnetic field
in a whole cosmological box, including galaxies, clusters and filaments. They only add
passive magnetic fields in equipartition with the thermal gas pressure, instead of actively
simulating the magnetic field. Donnert et al. (2018) review the magnetic field evolution
in simulated galaxy clusters. Most of the simulations come with the problem that a large
variety in scales must be covered in order to properly simulate the magnetic field. The
scales reach from small objects, for example supernovae to large objects, for example
merger with other clusters. All these processes can influence the magnetic field.

What is our understanding on the magnetic field evolution in galaxy clusters so far?
Magnetic seed fields can be created in the early Universe. With the so called Biermann
battery (Biermann, 1950; Kunz et al., 2022), an astrophysical battery that uses baroclinic
motions of charged gas, magnetic fields can be created from scratch. Such a baroclinic
motion can be induced in different scenarios: structure formation processes, ionization
fronts or in supernovae to mention a few (Miranda et al., 1998; Furlanetto & Loeb, 2001;
Kulsrud et al., 1997; Zhao et al., 2008; Doi & Susa, 2011; Garaldi et al., 2021; Mtchedlidze
et al., 2021). These weak seed fields can be amplified via adiabatic compression, for
example in gravitationally collapsed gas or in cooled gas (see e.g. Pfrommer 2022). They
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can also be amplified non-adiabatically, in a turbulent medium, such as the gas in galaxy
clusters. Merger, as well as interactions with galaxies constantly inject turbulence in galaxy
clusters (Wittor et al., 2017; Vazza et al., 2017; Wittor & Gaspari, 2020). The amplification
works in such a way that the turbulence stretches the magnetic field lines. This effect
is especially applicable to small scale turbulence, that has a shorter timescale and can
faster stretch the magnetic field. This process is also referred to as turbulent small-scale
dynamo (Kunz et al., 2022). It is described with the Kazantsev theory (Kazantsev, 1968;
Kraichman, 1966).

The turbulent small-scale dynamo cannot only work in galaxy clusters, but also in galaxies
(Schober et al., 2013) and stars (Schober et al., 2012). Here, stars can grow a strong
magnetic field and carry it to the gas in galaxies through supernova explosions. This also
adds a high amount of turbulence to the gas (de Gouveia Dal Pino et al., 2009), giving
potentially rise to a turbulent small-scale dynamo. Due to their smaller length scales and
shorter dynamical timescales, galaxies can grow a strong magnetic field in a short period of
time. Galaxies can potentially lose their gas due to feedback processes that cause galactic
winds (Heckman et al., 1990; Veilleux et al., 2005). In galaxy clusters, galaxies can also
lose their gas due to interactions with the gas in clusters (Jáchym et al., 2019; Serra et
al., 2023). Thus, galaxies provide a source for a fast amplification of the magnetic field in
galaxy clusters.

We analyse the evolution of the magnetic field in galaxy clusters in a cosmological,
radiative simulation with active magnetic field simulation. In a cosmological simulation,
the environmental effects are included, while in a radiative simulation, galaxy formation
and associated feedback is included. We want to tackle the question: how does including
radiative physics influence the magnetic field evolution in galaxy clusters? In order to
investigate this, we run a cosmological simulation with two different setups: one, where
we enable radiative physics and one, where we disable it. We compare the magnetic
field evolution in both simulations. We use the cosmological moving-mesh code AREPO
(Springel, 2010) with a module for magnetohydrodynamics (Springel, 2010; Pakmor et al.,
2011) to simulate a cosmological box. We run a zoom-in technique on postselected galaxy
clusters (Springel et al., 2001). We use the galaxy formation module FABLE (Henden et
al., 2018) to simulate the run including radiative physics.

In section 2, we give the theoretical background. We describe what a galaxy cluster is,
how it evolves together with the Universe, we describe the gas dynamics in galaxy clusters
and how the magnetic field is embedded into this gas. We summarize the physics of
the magnetic field evolution: the seed field creation with the Biermann battery and the
amplification with the turbulent small-scale dynamo. Then, we also give an overview
on galaxy evolution. We focus on the effects that are connected to the magnetic field
evolution: the evolution of stars and stellar feedback, galactic winds and interactions with
the cluster. For each of these topics, we give a description on how we model these physical
processes in our simulation. In section 3, we analyse the magnetic field growth in our
simulation. In section 4, we summarize the most important results and eventually give an
outlook.
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2 Background
What kind of information do we need in order to understand, how the magnetic field in
galaxy clusters evolves with time? How can we simulate this? This section provides the
needed background to answer these questions. The section is split into four subsections:
Cosmological evolution, the intracluster medium, magnetic fields and galaxies. Each
subsection begins the topic with an observational introduction. Then, the theory is
explained. Eventually, every subsection provides the information on how we exactly
simulate this.

In order to understand the evolution of magnetic fields in galaxy clusters, understanding
the development of galaxy clusters, within cosmic history, is important. The evolution of
galaxy clusters is tightly related to the evolution of the Universe. According to the theory
of hierarchical structure formation, they form latest, building up on previous steps of
structure formation (Kravtsov & Borgani, 2012). We give an overview on the cosmological
evolution of galaxy clusters in subsection 2.1.

Galaxy clusters are filled with a hot, ∼ 107-108K gas, called the intracluster medium
(ICM). The ICM is so hot, that mostly all particles are thermally ionized (Mohr et al.,
1999). This makes the magnetic field embedded into this hot plasma. It is strongly
dependent on the dynamics in the ICM and vice versa. We introduce the hydrodynamical
properties of the ICM in subsection 2.2.

There are different mechanisms that can create weak astrophysical magnetic fields (Mtchedlidze
et al., 2022; Rees, 1987; Andreasyan, 1996; Gnedin et al., 2000; Durrive & Langer, 2015).
Astrophysical magnetic fields can be amplified with the turbulent small-scale dynamo. It
converts turbulent kinetic energy into magnetic energy (Schober et al., 2012; Pakmor et
al., 2020; Kunz et al., 2022; Pfrommer et al., 2022). Magnetic fields in galaxy clusters are
introduced in subsection 2.3.

Galaxy clusters contain hundreds to thousands of galaxies (Zenteno Vivanco, 2014). This
makes them dependent on the evolution and dynamics of the galaxies and vice versa.
Galaxies have shorter dynamical times as well as higher density gas. This can enable the
turbulent dynamo to work more efficiently (Kunz et al., 2022). The gas can be removed
from galaxies by galactic winds or ram pressure stripping (Wada et al., 2009; Gent et al.,
2023; Van De Ven et al., 2009; Serra et al., 2023). This enables the galaxies to pollute
the ICM with their gas. We give an overview on galaxies in galaxy clusters in subsection 2.4

12
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2.1 Cosmological Evolution

Galaxy clusters are the largest collapsed objects that we know of (Reblinsky, 2000). They
are the product of ongoing structure formation during cosmic history and they are still
forming today (Kravtsov & Borgani, 2012). This makes them strongly coupled to the
evolution of the cosmos. This section describes the evolution of galaxy clusters dependent
on the evolution of the cosmos. Additionally, we introduce, how sizes and masses of galaxy
clusters can be described.

2.1.1 Observations and the General Picture

What is a galaxy cluster? Galaxy clusters are an assemble of galaxies. They contain
hundreds to thousands of galaxies (Zenteno Vivanco, 2014). Galaxy cluster’s masses range
between ∼ 1014−1015M⊙ (Snowden et al., 2008). The radii lie in the range of a few hundred
kpc to a few Mpc (Rees & Ostriker, 1977). Galaxy clusters are rare objects. Figure 1
shows a galaxy cluster. The picture was taken with the Hubble Space Telescope that
records in the optical. The picture shows hundreds of galaxies with the brightest ones in
the center. Optical matter though makes only ∼ 2% of the total matter content (see e.g.
Pfrommer 2022). Most of the matter is in the form of dark matter.

Figure 1: The galaxy cluster ACO S 295. The image is taken by the Hubble Space
Telescope. The cluster contains hundreds of galaxies. This image shows optical and
infrared wavelengths. Image credit: NASA / ESA / Hubble / F. Pacaud / D. Coe.

Galaxy clusters are the product of ongoing structure formation. Structure formation is
dominated by the gravitational interaction of dark matter. At large scales, the matter in
the Universe forms to build the so called cosmic web. Galaxy clusters sit as overdense
knots in this cosmic web. They connect smaller substructures.

How does the cosmic web form? Figure 2 shows temperature anisotropies in the cosmological
microwave background (CMB). This is the oldest light in the Universe. It was released
380000 years after the Big Bang, when baryonic matter and radiation decoupled. Dark
matter only interacts gravitationally. It has already build substructures at this early time
through gravitational interactions. These density fluctuations are the seeds for structure
formation. They are imprinted onto the CMB. In figure 2, the red areas show regions
with slightly higher temperatures. These correspond to regions with higher densities.
The blue areas correspond to regions with lower densities. Once, the baryonic matter and
radiation are decoupled, the baryonic matter follows the potential wells of the dark matter
substructures. The first stars and galaxies start to form. The very first galaxies grow with
time. They keep attracting less massive substructures. At later times, even smaller mass
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galaxy clusters can be attracted (Kravtsov & Borgani, 2012). Galaxy clusters form in the
most dense regions as the endproducts (so far) of previous structure formation steps.

Figure 2: Anisotropies in the CMB. The light was emitted 380 000 years after the Big Bang.
At this time, matter and radiation decoupled. Seeds of structure formation are imprinted
onto the CMB. Blue regions shows underdense regions with slightly lower temperatures,
whereas red indicates slightly overdense regions; higher temperatures. Image credits: ESA
Planck Collaboration

The central galaxies in galaxy cluster are giant elliptical galaxies. They are also referred
to as Brightest Cluster Galaxies (BCGs) (De Lucia & Blaizot, 2007; O’Dea et al., 2010;
Laporte et al., 2013; Ito et al., 2019; Kubo et al., 2021). These BCGs are the most massive
galaxies Universe wide (De Lucia & Blaizot, 2007; Von Der Linden et al., 2007). The BCGs
contain the most massive black holes universe wide (Von Der Linden et al., 2007). Active
Galactic Nuclei (AGN) are powered by these Supermassive black holes. Also the AGN
grow constantly in time through attraction of matter and merging with other black holes.
Feedback from AGN influences the dynamics in the centers of clusters (Ehlert et al., 2021).

2.1.2 Cosmological Model

How can we describe this analytically? The key assumptions to do cosmology are isotropy
and homogeneity (Bartelmann, 2012): on large scales , the Universe looks the same at
every position, no matter what direction we are looking into. We introduce the scale
factor a as a proxy for the size of the Universe. Conveniently, we set a = 1 nowadays. In
order to map this to observations, we translate the scale factor to a redshift z:

z = 1
a

− 1. (1)

The most widely used cosmological model is the Lambda Cold Dark Matter (ΛCDM)
model (Springel & Hernquist, 2003; Baugh et al., 2005; Gao et al., 2008; Meng & Dou,
2009; Governato et al., 2012). With the ΛCDM model, we describe the evolution of the
cosmos with time, ranging from shortly after the Big Bang, until now. According to this
model, the large scale dynamics of the Universe is dominated by cold dark matter and
dark energy (Λ). The expansion of the universe is described with the Friedmann equation
(Bartelmann, 2012; Meng et al., 2005; Meng & Dou, 2009):

14



2 BACKGROUND

H2 (a) = H2
0 (a)

[
Ωm0a−3 + ΩΛ

]
, (2)

where H(a) = ȧ/a is the scale factor dependent Hubble function. It describes the velocity
of the expansion in units of the scale factor a. Here, H0 = ȧ(t0)/a(t0) = 100hkms−1Mpc−1

is the Hubble constant. The density components Ωm0 and Ωλ are the fraction of matter
energy density and dark energy density over the critical energy density respectively. We
treat the density components by relating the actual density to the so called critical density
Ω(t) = ρ(t)/ρcr(t). Here, the critical density is (Bartelmann, 2012; Wang & Steinhardt,
1998)

ρcr = 3H2

8πG
, (3)

i.e. a sphere filled with this density can gravitationally exactly balance it’s kinetic energy.
Here, G is the gravitational constant. From the latest measurements of the Planck satellite
(Aghanim et al., 2020), h = 0.67, Ωm0 = 0.315 and ΩΛ = 0.685. We have set the curvature
energy density and the radiation energy density to zero. Most of the matter is in the form
of dark matter (White & Frenk, 1991; Meng & Dou, 2009). For small scale factors, the
expansion is dominated by (mostly) dark matter. For a > 1, it is dominated by dark
energy. To make estimates about cosmological times, we rearrange (2) and integrate
(Bartelmann, 2012):

H0t =
∫ a

0

√
a′da′√

Ωm0 + ΩΛa′3
. (4)

The result is (Bartelmann, 2012):

H0t = 2
3
√

1 − Ωm0
arcsinh

[√
Ωm0 − 1

Ωm0
a3/2

]
. (5)

With equation (2), we can make assumptions on how clusters form, when they form and
with which abundances. We do this by describing the amplitude of a density contrast
with the variance of a Gaussian distribution. The abundance of these overdensities can be
estimated with a Gaussian probability function. The growth of the overdensities can be
described with equation (2) (Kravtsov & Borgani, 2012). Once, the overdensities reach a
certain amplitude, they collapse and start to form the first dark matter halos.

How can we describe the sizes and masses of galaxy clusters? Galaxy clusters evolve
together with their surroundings. One common approach to define the size of a galaxy
cluster is to define it via the critical density (Pfrommer, 2022; Press & Davis, 1982):

200 · ρcr = M200
4
3πR3

200
. (6)

We take a sphere with radius R200 and a mass M200, so that the mean density inside the
sphere is 200 times the critical density.

We can assign a corresponding characteristic temperature. We assume the thermal gas to
be in equilibrium with the cluster potential. This is also referred to as virial temperature:
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3
2kBT200 = m̄

M200G

R200
, (7)

where kB is the Boltzmann constant and m̄ = µmp is the mean particle mass. Here,
µ ≈ 0.588 is the mean molecular weight (see e.g. Pfrommer 2022) and mp is the proton
mass. With R200 = 2Mpc and M200 = 1015M⊙, this yields virial temperatures of
T200 ≈ 108 K. The R200 radius is also referred to as virial radius, the radius, up to
which we can apply the virial theorem.

2.1.3 Cosmological Simulation

How do we perform a cosmological simulation? We assume that the universe can initially
be described as weakly magnetised gas and dark matter. These interact gravitationally.
The hydrodynamical interactions can be described with magnetohydrodynamics (MHD).
We use AREPO (Springel, 2010) to solve the gravitational and hydrodynamical equations.
We use the subgrid model for galaxy formation FABLE (Henden et al., 2018) to simulate
radiative physics. How does the magnetic field look like in this cluster? How does
including radiative physics influence the evolution of the magnetic field? We run 2 different
simulation setups to answer these questions. One, where we use gravity, MHD and include
radiative physics. In the other setup, we only use MHD and gravity.

In figure 3, we show the simulated cluster that we analyse in this thesis. The cluster
has been re-simulated from a cosmological simulation, using the zoom-in technique. The
figure shows a proxy for the optical spectrum. At z = 0, it contains 8795 galaxies within
the virial radius. The size is R200 = 2968.495kpc and the mass M200 = 2.76 · 1015M⊙.
Equation (7) yields a virial temperature of 1.9·108K . This cluster is the fifth most massive
one in the simulation.

Figure 5 shows our cosmological box at z = 0. We see the density of the gas forming
the cosmological web. The isotropy and homogenity of the simulated cosmos is shown
beautifully. The black frame shows one of the halos that we postselected from this box.
We run a cosmological simulation with a boxsize of one comoving Gpc/h. Comoving means
that the box is expanding with the expansion of the universe. We run the simulation from
z = 127 to z = 0. The initial size of the box is thus a factor of 128 smaller than at z = 0
(see equation 1). We save all properties of the simulation in a snapshot in a non-linear
redshift spacing. In total, there are 248 snapshots in this redshift range. In figure 4, we
show the redshift range of the snapshots and the corresponding age of the Universe.

We use the moving mesh code AREPO (Springel, 2010) to solve the hydrodynamical
and gravitational equations. The mesh consists of unstructured voronoi cells. These
represent the finite volume discretization of our fluid. It is a quasi lagrangian code, such
that the cells are moving together with the movement of the fluid. We let the mesh
expand together with the expansion of the universe. We calculate the redshift dependent
Hubble parameter (equation 2) to calculate the expansion rate. We use the parameters
from Planck measurements (Aghanim et al., 2020), ΩΛ = 0.684 and Ωm0 = 0.316, where
Ωb0 = 0.049. The Hubble parameter is h = 0.673.

What are our initial conditions at the first snapshot? We use the CAMB code to generate
an initial power spectrum (Lewis & Bridle, 2002; Lewis et al., 2000) and the NGENIC
code to set up a N-body implementation of Gaussian random fields prescribed with the
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Figure 3: Halo4: A projection of the fifth most massive galaxy cluster from our
cosmological simulation. The image has sidelengths of 4 · R200(z = 0), where R200(z =
0) = 2969kpc)3, and a similar projection depth. This cluster is going to be analysed in
this thesis. Indicated in red, we show the projected masses of the star particles. The
colors correspond to 1010M⊙/h, weighted within the projection depth. The image shows
thousands of galaxies at different sizes.
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Figure 4: Our snapshots cover this redshift range. The corresponding age of the Universe
is indicated on the x-axis.

power spectrum (e.g. as described in Springel et al. 2005; Angulo et al. 2012). At the
beginning of the simulation, we place the dark matter particles accordingly. We run the
parent simulation with 10243 particles and a mass resolution of 1.0 × 1011M⊙ per particle.
We evolve the cosmological box until z = 0. We pick the most massive halos at z = 0
using a Friend of Friends algorithm (FoF) (Springel et al., 2001) and rerun the simulation
with a higher mass resolution in this region (zoom-in technique). Every particle that ends
up in the halo is attributed with a higher resolution. We use three different resolutions:
zoom4, zoom8 and zoom12. In this thesis, we focus on the highest resolution run, zoom12.
For the zoom12 high resolution simulation, we have 7.5 × 108 dark matter particles, each
with a mass of 3.99×107M⊙. The high resolution particles are distributed within a radius
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of three times R200. Between this region of high resolution inside the halo and lower
resolution outside, we use a third dark matter particle type with an intermediate mass to
smooth the transition between both regions. Each high resolution particle creates a gas
cell with the same mass. The code refines by splitting or merging cells so that every cell
contains approximately the same gas mass. Cells with higher densities split automatically
in order to fulfill this mass criterion. This automatically enables a higher resolution in
the high density regions. The gravitational interactions are solved by AREPO. It uses a
TreePM code (e.g. as introduced in Springel 2005), which splits gravitational forces into
long- and short-range forces. The long-range force is calculated using a Fourier transform
on a mesh. The short-term contribution is solved with an oct-tree algorithm (J. Barnes
& Hut, 1986).

Figure 5: A projection of our simulation box at z = 0 with sidelengths of 1 Gpc/h and
a projection depth of 10Mpc/h. The image shows the cosmic web. Blue colors indicate
dense regions, while light colors indicate underdense regions. The black square shows a
cluster that we select in a post processing step. Credits: Thomas Berlok
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2.2 The Intracluster Medium

Most of the baryonic matter in galaxy clusters is in the form of X-ray emitting, hot 107 −
108K gas (Walker & Nagai, 2019; Rudnick, 2019), which we refer to as Intracluster Medium
(ICM). Due to the high temperatures, most particles are ionized. Thus, the magnetic field
is embedded into this gas. The magnetic field evolution is strongly dependent on the
dynamics in the ICM and vice versa. This section gives an overview on how to describe
the fluid dynamical processes in galaxy clusters. We focus on the properties density and
turbulence. These can both influence the evolution of the magnetic field.

2.2.1 Observations

How do we know that galaxy clusters are filled with hot gas? This was revealed by
the first X-ray missions that were launched in the 70’s (Gunn & Gott, 1972; Sarazin,
1986). They found that galaxy clusters are among the brightest X-ray sources in the sky
(Snowden et al., 2008; Walker & Nagai, 2019; Sarkar et al., 2022). The X-ray emission
is created by Bremsstrahlung (Cavaliere & Fusco-Femiano, 1976; Sarazin, 1986). Here,
electrons get deflected in the electric field of ions and emit photons. The X-ray emission is
proportional to the ion and electron densities in the gas and also depends on temperature.
The ICM makes up most of the baryonic matter and roughly 7% of the total matter (see
e.g. Pfrommer 2022). Figure 6 shows the Perseus cluster. The right panel shows an
optical image. The BCG is shown with its neutral hydrogen content in blue and red. The
left panel shows an X-ray image of the same cluster. It shows, how the space between the
galaxies is filled with X-ray emitting plasma. The left panel shows how the gas density
is very dense in the center and then declines steeply towards the outskirts. The plasma
nature of the ICM tightly couples the magnetic field to its density.

Figure 6: The Perseus cluster shown in the X-rays and optical. The X-ray image traces
the gas in the cluster. It is denser in the center and declining towards the outskirts. Two
cavities near the center show the effects of AGN feedback that dilutes the gas. The optical
image shows the stars and galaxies in the cluster. The most massive galaxy is overlayed
with Hα observations, indicating the cold gas reservoir. Image credits: Fabian et al.
(2011), Gabany (2009).

The X-ray image shows two cavities near the center with a lower density. These are
caused by the central AGN that injects energy into the gas and dilutes it. Feedback by
the AGN causes turbulence in the central regions. Also structure formation processes add
a high amount of turbulence to the ICM. Not only plasma densities influence the magnetic
field, but also turbulence (as we will show in section 2.3). Turbulence can be detected via
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Doppler broadening of emission lines, but this requires a high spectral resolution (Rudnick,
2019). This is the reason that the origin and effects of turbulence in the ICM are still
poorly understood (Rudnick, 2019). An X-ray mission that observed turbulence in the
Perseus cluster center, was the HITOMI X-ray satellite. It observed the center of the
Perseus cluster (higher densities give rise to a higher amount of X-ray emission), where
the turbulence is mainly associated to AGN activity (Hitomi Collaboration, 2016; Zhang,
Zhuravleva, et al., 2022). Turbulent kinetic energy can be converted into magnetic energy.
The theory is described by the turbulent small scale dynamo in section 2.3.3. Thus, it is
important to understand the properties and the dynamical state of the ICM.

2.2.2 Thermodynamical Considerations

What kind of analytical assumptions can we make about the ICM? We describe the ICM
as a fluid. A system can be described as fluid, if the particle mean free path is smaller
than the characteristic size of the system (so a few Mpc for a galaxy cluster): λmfp ≪ L
(Kunz et al., 2022). This requirement ensures the occurrence of particle scatterings that
are characteristic for a fluid. We describe the particle mean free path as (e.g. as described
in Pfrommer 2022)

λmfp = 1
nσ ln Λ = 1

nπr2
e ln Λ . (8)

We assume that the particle mean free path is dominated by large angle electron scatterings.
Here, n = ρ/m̄ is the particle number density. The σ = reπ term is the Coulomb scattering
cross section and re the classical electron radius. The Λ = re/λD term is the Coulomb
logarithm ln Λ ∼ 35 − 40. It takes into account, that we are dealing with a plasma, which
is neutral on large scales, but not within the Debye length λD. The Debye length reads
(Block, 1978):

λD =
√

kBT

4πe2Z
, (9)

where Z is the charge number of the ion species (Z = 1 for hydrogen). The Coloumb
logarithm enlarges the scattering cross section, taking also long range electromagnetic
wave interactions into account. Equation (8) yields values of 0.1 kpc in the center and 10
kpc in the outskirts (Kunz et al., 2022). Though particle-particle collisions are very rare,
due to the low densities in the ICM, electromagnetic wave-particle scatterings can actively
act as collisions to justify the fluid treatment (see e.g. Pfrommer 2022).

We can describe the processes in a fluid as adiabatic, if the process induces no change in
entropy. In terms of the first law of thermodynamics, this reads:

dq = 0 = Tds = dϵ + PdV, (10)

where q is the internal specific heat, s is the specific entropy, ϵ is the specific internal
energy, P is the pressure and V the volume.

A common approach to describe the state variables of the ICM is to use an effective
equation of state (Hernquist & Springel, 2003; Vogelsberger et al., 2013):

ϵ = P

(γ − 1) ρ
. (11)

20



2 BACKGROUND

With equation (11), we state that the state of the ICM can be described by pressure and
density ρ = m̄/V only. The adiabatic index is γ = cV/cP = 5/3, the ratio of heat capacity
at constant volume and pressure, respectively, for non-relativistic particles.

2.2.3 Density Profiles

Why are density profiles of the ICM important? The density in the ICM is tightly coupled
to the magnetic field. The Alfvénic flux freezing theorem states that the magnetic field
is flux frozen into the plasma and depends on its density (Mouschovias, 1976; Field &
Carroll, 2000).

The density profile is mainly dominated by gravity, cooling and heating. How can we
describe the cooling of the ICM? Cooling is efficient, where the particle number density
n = ρ/µ is high. The cooling time of a gas cloud can be calculated with (Sarkar et al.,
2022):

tcool = 5nkBT

2n2Λcool (T ) . (12)

Here, Λcool(T ) is the cooling function. It is dependent on the element abundances in the
gas as well as on the processes that cause the cooling. Thus, the cooling is very efficient
in the centers of galaxy clusters, where the densities are high.

Galaxy clusters can be split into two groups, based on the plasma temperatures in the
center. The clusters, represented by a cooler core (T ∼ 2keV) are referred to as Cool Core
(CC) clusters. While the clusters with an ehanced central temperature profile belong to
the group of non-Cool Core (nCC) clusters (Chen et al., 2007; Hudson et al., 2010). What
exactly causes this bimodal distribution, is area of active research (Planelles et al., 2014;
Biffi et al., 2016; Giacintucci et al., 2017; D. J. Barnes et al., 2018; Ruppin et al., 2021).
Simulations suggest that the interplay of cooling, AGN heating and gravity influence the
central profiles (Nobels et al., 2022; Ruppin et al., 2022).

How can we describe the density profiles in galaxy clusters? Density profiles are commonly
inferred from X-ray observations. X-ray observations show high densities in the center and
an exponential decline towards the outskirts. A so called beta profile is commonly used to
describe the ICM density profile. Here β = m̄σ2

gal/kBT (Aghanim et al., 1997; Pfrommer,
2022) is the ratio of specific kinetic energy of a galaxy and the internal gas energy (not
to be confused with the plasma β, which is the ratio of thermal and magnetic pressure).
The β parameter varies with distance from the center. We define a central density profile
and a profile beyond a scaling radius (Churazov et al., 2003; Pfrommer, 2022):

ρ (r) = ρ0,1

1 +
(

r

r0,1

)2
−3β1/2

+ ρ0,2

1 +
(

r

r0,2

)2
−3β2/2

. (13)

X-ray measurements are usually used to constrain the parameters. The densities ρ0,1 and
ρ0,2 are asymptotically approached at radius r0,1 and r0,2, respectively. We differentiate
between a single beta profile (ρ0,2 = 0) and a double beta profile (ρ0,2 ̸= 0). The single
beta profile is characterised by a flat distribution in the central region r < r0,1. It is used
to describe nCC clusters. For r > r0,1, it drops with a power law. The double beta profile
is characterised by an enhanced density in the center. We use it to describe the class of CC
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clusters. Beyond R200, both density profiles approach the mean baryonic matter density
of the universe.

The magnetic field is flux frozen into the plasma. An easy way to amplify magnetic fields
(or decrease) is therefore by adiabatic compression (or expansion) (Winske & Quest, 1988;
Martin-Alvarez et al., 2022). Consider the mass inside a sphere and the magnetic flux
through it staying constant (e.g. Pfrommer 2022):

ρr3 4
3π = const. ⇔ ρ ∝ r−3 (14)

and

Φ = B4πr2 = const. ⇔ B ∝ r−2, (15)

so that

B ∝ ρ2/3. (16)

Such simple, spherically symmetric density profiles are in general to be treated carefully, as
they do not account for the unique history of each cluster. Turbulence, feedback processes
and cooling can modify the inner density profiles (Wittor et al., 2017). Merger, structure
formation processes, and cooling of gas clumps are what mostly influences deviations in the
outer regions (Bennett & Sijacki, 2022; Gaspari & Churazov, 2013). Accounting for more
baryonic effects, these models can easily get more and more complicated (see for example
Vikhlinin 2019; Halenka & Miller 2020 who use more advanced gas density profiles). Here,
we are essentially interested in when the cluster deviates from such self similar approaches.
Deviations are associated to turbulence, which gives rise to the turbulent dynamo. In the
next section, we will introduce how to describe turbulence in the ICM.

2.2.4 Turbulence, Vorticity and Enstrophy

The other way to influence the magnetic field evolution goes via turbulence. What exactly
is turbulence? How is turbulence connected to the magnetic field? Turbulent kinetic
energy can be converted into magnetic energy. The underlying theory is described with
the turbulent small scale dynamo. In a turbulent medium, it is able to amplify small
magnetic seed fields. The velocity field in the ICM is highly turbulent (Wittor et al.,
2017; Vazza et al., 2017; Wittor & Gaspari, 2020). In this subsection, we give the basics
of hydrodynamic turbulence, which is a prerequisite for the turbulent dynamo discussion
in section 2.3.3. Note that turbulence in the ICM is in fact plasma turbulence, which
complicates the picture (see e.g. Schekochihin 2022 for a review).

Turbulence is, for example injected in shocks. What is a shock? At this point, it is useful
to define the Mach number (Pfrommer et al., 2006):

M = v

cs
. (17)

It relates the speed of an object (or a fluid parcel) to the speed of sound cs =
√

γP/ρ in
the surrounding medium. When M > 1, the fluid cannot properly communicate changes
in states anymore. If an object or fluid parcel is moving at this speed, it inforces jumps
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in the state of the fluid. This is referred to as a shock. Shocks convert kinetic energy into
heat and can add subsonic turbulence to the ICM (Price, 2012). In galaxy clusters, shocks
can be caused by accretion or mergers (Ensslin et al., 1998; Markevitch & Vikhlinin, 2007),
AGN (Wittor & Gaspari, 2020) or supernovae (SN) (Spitzer, 1978; Woosley & Weaver,
1995).

Turbulence can be described as random, heuristically chaotic motions in a fluid. In general,
we can decompose any vector field into a compressible and a solenoidal part (Helmholtz,
1858). In the ICM, most of the turbulence is in solenoidal form (Gaspari & Churazov,
2013; Vazza et al., 2017). We refer to a rotating fluid parcel as a vortex or an eddy.
In general, anything can be described as vorticity, where the motion is incompressible:
∇ · v = 0. Vorticity is ω = ∇ × v. We refer to vorticity as the the eddy turn over rate
(Pfrommer, 2022):

|ωλ| = vλ

λ
. (18)

Here, λ is the eddy size and vλ the eddy velocity. Equation (18) shows, that higher
vorticity is caused by smaller eddies or higher velocities. Kinetic energy is injected on
large scales (for example by a merger). Large scale eddies cascade down to smaller eddies
until viscous effects set in and turn the kinetic energy into thermal energy. In the presence
of a magnetic field, the kinetic energy is also converted into magnetic energy. We describe
the specific kinetic energy within an eddy with

ϵλ = v2
λ

2 . (19)

The cascade from large scales to small scales is described by the Kolmogorov spectrum
(Kolmogorov, 1941; Gaspari & Churazov, 2013) in wavenumber k space:

E (k) ∝ ϵ̇
2/3
λ k−5/3, (20)

where (Pfrommer, 2022)

ϵ̇λ = v2
λ

2
vλ

λ
= v3

λ

2λ
(21)

is the constant energy flux from scale to scale through an eddy. It corresponds to dividing
the specific kinetic eddy energy by the eddy turnover time. In equation (20), 1/k = λ is
the size of an eddy and reaches from the large injection scales to the small viscous scales.
The larger eddies contain more power, compared to the smaller eddies, but the smaller
eddies have a higher vorticity. The vorticity evolution with time reads (see e.g. Wittor et
al. 2017):

∂ω

∂t
= ∇ × (v × ω) + ∇ρ × ∇P

ρ2 . (22)

What influences vorticity in (22), is a first term, which describes how vorticity can
be advected or produced in compression and stretching, and a baroclinic term. The
baroclinic term describes, how misaligned gradients of density and pressure (or equivalently
temperature) will create vorticity. This happens, for example, in bow shocks, where
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vorticity is transported along sideways of the shock.

In a fluid with no viscosity and no baroclinic term, the vorticity is frozen into the fluid
in the same way that the magnetic field is. The energy flow through the eddies stays
constant: (21) = const.. The eddies are dissolved, when they reach a size that equals the
particle mean free path. Viscous effects set in and turn the kinetic energy into heat.

We would like to have a measure of the amount of turbulence in a (simulated) galaxy
cluster. Since the vorticity is a vector field, a simple sum will have contributions cancelling
out. It is useful to define a quantity called enstrophy (see e.g. Wittor et al. 2017):

e = 1
2 |ω|2. (23)

Enstrophy is also injected in shocks or mergers (or any baroclinic motion). It is a proxy
for turbulence.

In order to quantise the level of turbulence in a fluid, we define an advection time tadv =
λ/vλ and a dissipation time tdiss = λ2/ν. Here, ν = λmfpv is the viscosity. Their ratio
defines the Reynolds Number (Pfrommer, 2022; Nishikawa & Liu, 2018):

Re = tdiss
tadv

. (24)

It is is a number to characterise whether the fluid is susceptible to turbulence. A high
number means the fluid is dominated by advection and that the flow is turbulent. A low
number means it is dominated by dissipation and that the flow is laminar.

2.2.5 Simulating the ICM

How can we simulate the ICM and use the MHD module in AREPO (Springel, 2010;
Pakmor et al., 2011) to solve the magnetohydrodynamical (MHD) equations? A voronoi
cell is created from each DM particle with the cell center coinciding with the DM particle
position. We solve the MHD equations on this voronoi mesh. The magnetized fluid obeys
mass, momentum and total energy (kinetic, internal and magnetic) conservation.

The MHD equations are solved on a moving grid using quasi Lagrangian finite volume
method. In MHD, we assume a perfectly conducting (no resistivity and viscosity) fluid.
In order to ensure no resistivity, we assume, that electrons move sufficiently fast, so that
they can short circuit all electric fields (∂E/∂t = 0) (see Pfrommer 2022). The absence
of resistivity also causes the absence of magnetic diffusion (magnetic diffusion shows up
due to numerical errors, so called numerical resistivity, as described in section 2.3.4). The
MHD equations without gravity and cooling read (Pakmor et al., 2011)

∂

∂t
ρ + ∇ · (ρv) = 0, (25)

∂ (ρv)
∂t

+ ∇ ·
(
ρvvT + p − BBT

)
= 0, (26)

∂ (E)
∂t

+ ∇ · (Ev + pv − B(v · B)) = 0, (27)
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∂B

∂t
+ ∇ ·

(
BvT − vBT

)
= 0. (28)

The magnetic pressure is added to the total pressure: p = pgas + B2/2 and the magnetic
energy density is added to the total energy density: E = ρu+ρv2/2+B2/2, where v is the
velocity of the fluid. Equation (25) is the mass continuity equation. It states that mass
is conserved. Equation (26) is the momentum conservation equation. The momentum
density changes due to a movement of the fluid, pressure that acts on the fluid or the
magnetic field that adds the Lorentz force FL = e(E + ve

c × B) onto the fluid. Equation
(27) is the energy conservation equation. The energy density changes due to spatially
varying density, momentum or magnetic field. Equation (28) is the magnetic induction
equation. The magnetic field changes due to a rotation of the magnetic field. The MHD
equations are subject to the no-magnetic-monopoles constraint: ∇ · B = 0.

It is possible to combine equations (25) and (28) to see that the magnetic field is frozen onto
the motion of the fluid (Alfvén flux freezing theorem) in the absence of magnetic diffusion.
The flux-freezing strongly couples the magnetic field evolution to the fluid movement.

How does AREPO solve equations (25) - (28)? The MHD equations obey the form of a
conservation equation (Springel, 2021):

∂U
∂t

+ ∇ · F(U) = 0. (29)

A finite volume discretisation is used, where the equations are evolved in time. Within
a timestep, the conservation laws are integrated and the average over the cell is taken,
yielding the exact solution between the cell interfaces. The timesteps are chosen, such
that the fluid cannot traverse a cell within a timestep (that is the CLF timestep criterion,
see e.g. Springel 2021):

t < ∆x/cmax (30)

where cmax is the maximum wave speed and ∆x the one dimensional size of a cell. Between
the cell interfaces, there is an exact Riemann solution, representing the flux from one cell
to another one. We use a HLLD Riemann solver, which is an approximate solver. Exact
Riemann solvers are rarely used in real applications. AREPO uses a second order Gudunov
unsplit scheme to calculate the eigenstructure within the cell and also the upwind direction.
Unsplit means, that the fluxes into different 3D directions are calculated separately, but
simultaneously applied to the cell. Second order, because we consider a linear gradient
over the cell. For the Riemann solver, it is assumed that the values at the interfaces are
constant. To enable this, the flux calculation has to be done within half a timestep and is
then extrapolated to the cell interfaces. A slope limiting function is added, otherwise local
extrema could cause the extrapolated interface values to overshoot. Each mesh generating
point gets a velocity assigned. The timestep has to be modified from the hydrodynamical
consideration (30) to account for faster MHD waves:

∆t < CCFL
∆x

ch
, (31)

where CCFL is the timestep coefficient from only hydrodynamics and ∆x the size of a cell
and ch the speed of the fastest MHD wave. Using the Riemann solver in the rest frame of
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the mesh generating points would give only small fluxes, as the points move almost with
the same velocity as the flow. This could in the approximation lead to negative fluxes.
Instead, the MHD equations are solved in the rest frame of the interfaces. We have to
subtract the velocity of the flow by the velocity of the interfaces: w = vfluid − vinterface.
Then we transform from the interface restframe to the mesh points restframe by adding
∂U
∂t + ∇ · F(U) + V (U) = 0 (Pakmor et al., 2011):

V (U) =


0

ρw(v − w)T

ρ(v · w)(v − w) − ρ/2w2(v − w) + pw − B(w · B)
−wBT

 . (32)

The volume and time discretization approach introduces numerical errors that have the
form of magnetic divergence ∇ · B acting as source term:

∂U
∂t

+ ∇ · F(U) = S, (33)

but there are no magnetic monopoles, so we require ∇ · B = 0. These divergence errors
grow exponentially in time. In order to remedy this, we use the Powell 8 divergence control
scheme Powell et al. (1999) that adds additional terms to reduce the error:

∂U
∂t

+ ∇ · F(U) + G(U) = Ssmall. (34)

What is done basically is that we calculate equations with the divergence error, but then
subtract the error from the initial state. This reduces the error and ensures stability.

The grid is moving with the expansion of the universe; all MHD quanities are calculated in
comoving form. Here we have described the ideal MHD equations in their standard form.
In our simulations, we actually solve these equations in a form that takes into account
(Pakmor & Springel, 2013):

r = ax (35)

u = v − aẋ (36)

ρ = ρca
−3 (37)

P = Pca
−3 (38)

B = Bca
−2. (39)

Check out the appendix for a more detailed description on the conversion: Berlok (2022).
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Figure 7: A projection of halo4 with sidelengths of R200 = 2969kpc at z = 0 and a
similar projection depth. Red indicates a proxy for X-ray emission, which we calculate
as L ∝ ρ2√

T . The galaxies shine bright in X-rays, because the gas cannot form neutral
hydrogen. The colorscheme indicates the values of L in comoving code units, weighted
within the projection depth.

Figure 7 shows a proxy for the X-ray emission of the ICM of our simulated cluster. The
figure shows how higher densities in the center enable a more efficient cooling and brighter
X-ray luminosity. The bright spots (that don’t show up in the X-ray observation of the
Perseus cluster in figure 6) show up as a result of our one phase ICM. Once, the gas reaches
a certain density threshold, the cooling is so efficient that electrons and protons recombine
to form neutral hydrogen. Neutral hydrogen does not emit Bremsstrahlung. Instead in
the simulation, we do not form neutral hydrogen. Galaxies are shining bright in X-rays
thus, instead of being invisible in neutral hydrogen.
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2.3 Magnetic Fields

The goal of this thesis is to study the generation of magnetic fields in simulations of
the ICM of galaxy clusters. This is important to check if we can match the field values
inferred from observations, but it is further motivated by the effect magnetic fields can
have on other astrophysical processes. Magnetic fields are for instance important for the
acceleration, transport and cooling of cosmic rays (H. Xu, 2009). They can influence the
evolution of galaxies within the cluster, for example by magnetic draping (Sparre et al.,
2019). They cause anisotropic particle movement, which is important to understand the
properties of the ICM. In this subsection, we describe how magnetic fields can be created
with astrophysical batteries. We also describe how magnetic fields can be amplified with
the turbulent small-scale dynamo.

2.3.1 Observations

How do we know that galaxy clusters host magnetic fields? Their existence was first proven
by radio observations (van Weeren et al., 2009) and later by the Faraday rotation measure
(Taylor et al., 2001; van Weeren et al., 2019; Osinga et al., 2022). These observations
revealed that galaxy clusters are filled with magnetic fields of a few µG strength. They
have coherence lengths at the order of a few kpc (Subramanian, 2008).

Figure 8: The galaxy cluster PSZ2 G096.88+24.18 shown in the radio wavelengths. Radio
observations of clusters trace their magnetic field. The arc shaped features are so called
radio relics. They sit at the outskirts of the cluster. They are associated to accretion or
merger shocks. The light bubbles further inside are aged AGN bubbles. The articles in
the bubbles are reaccelerated by the shock and emit radio emission. Credits: Jones et al.
2021

As an example, we show in figure 8 a radio image of a galaxy cluster. The radio emission
is created by relativistically moving, charged particles, which get deflected by magnetic
field lines. This is known as synchrotron emission. Regions with orange colors indicate a
high radio emission. The emission regions sit as arc shaped areas at the outskirts of the
cluster. These are called radio relics and they sit at Mpc scales (H. Xu, 2009; Brunetti
& Jones, 2014; van Weeren et al., 2019). The particles are thought to be accelerated at
shocks that can be caused by merger or accretion (Brunetti & Jones, 2014; van Weeren et
al., 2019). The light radio bubbles closer to the center are spatially correlated to galaxies
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in the cluster. These are thought to be aged AGN bubbles. The accretion shock runs over
the bubbles and reaccelerates the particles.

We can calculate the magnetic field strength from radio observations. We do this by
assuming equipartition of the particle (electrons and protons) kinetic energy and magnetic
energy (H. Xu, 2009):

Etot = Ekin,e + Ekin,P + EB, (40)

where the magnetic energy is

EB = B2V. (41)

Here, B is the magnetic field strength and V is the volume that is occupied by the magnetic
field. In equation (40), we assume that the electron kinetic energy is equivalent to a fraction
of the protons kinetic energy: Ekin,P = aEkin,e. These values for the kinetic energy depend
on the injection mechanism, which comes with big uncertainties (H. Xu, 2009).

The radio measurements can be complemented by X-ray measurements. We assume,
that the same particles that create the radio emission also undergo inverse Compton (IC)
scattering with CMB photons. Here, the hot, relativistically moving electrons in the ICM
collide with CMB photons and upscatter them to higher energies. This enables us to relate
the fluxes of IC scattered CMB photons, FIC to the synchrotron photons, FS. We do this
by dividing the CMB energy density, UCMB by the magnetic field energy density (Beck &
Krause, 2005; Akamatsu et al., 2013):

FIC
FS

= UCMB
B2 . (42)

Another way of measuring magnetic fields uses the so called Faraday rotation measure (van
Weeren et al., 2019; Osinga et al., 2022). The effect describes, how the plane of polarization
of linearly polarized light rotates when traveling through a magnetized medium. This is
due to a different refractive index for left and right handed circularly polarized light (Kunz
et al., 2022). The rotation measure is given by:

RM ∝
∫

ne(l) · B(l)dl, (43)

where B(l) is the line of sight component of the magnetic field. In order to get the
electron line of sight density ne(l), the measurement needs to be combined with X-ray
measurements (Clarke et al., 2001). Rotation measurements yield magnetic fields of few
µG (3.9-5.4 µG in the coma cluster Kunz et al. 2022).

2.3.2 Magnetic Seed Fields

How is the magnetic field in the ICM created? The turbulent dynamo is able to amplify
weak magnetic seed fields (see section 2.3.3). But where do these seed fields come from?
The creation of seed fields is still under debate. There are two ideas being discussed: the
generation from structure formation in the early Universe (Subramanian, 2008; Mtchedlidze
et al., 2022), or via astrophysical batteries. Here, we focus on the creation from astrophysical
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scenarios.

The best known approach to do astrophysical battery is the Biermann battery (Biermann,
1950; Kunz et al., 2022). It describes, how an inhomogeneity in the electron number
density induces a current. If the induced electric field is spatially varying, this will create
a magnetic field. The effect relies on the mass difference between electrons and protons.
The ICM consists mostly of ionized particles. It is neutral on scales larger than the Debye
length. This means, that there are in principle as many electrons as protons in a hydrogen
plasma. Introducing a pressure gradient, the electrons move faster than the protons. This
creates a pressure supported electric field. If this field is spatially varying, Faraday’s law
of induction ∇ × E = −c−1∂B/∂t allows to create a magnetic field.

In the following, we show how this works technically. The result is the Biermann battery
equation. First, we look at the the electric field resulting from the charge separation. We
do this by balancing the electric field force density onto an electron by its pressure support
(Andreasyan, 1996):

E = ∇Pe
ene

. (44)

We only consider the electrons, as they move faster than the protons by a factor of√
mp/me. We add this term (44) to the right hand side of Ohm’s law with zero resistivity:

E = −ve/c × B and apply the curl to it. This allows us to insert it into Farady’s law.
We use the ideal gas law Pe = nekBTe to rewrite the pressure in equation (44) in terms of
density and temperature. We arrive at the Biermann battery equation (Kunz et al., 2022;
Pfrommer, 2022):

∂B

∂t
= ∇ × (ve × B) − ckB

e

∇ne
ne

× ∇Te. (45)

The first term is similar to the term on the RHS in the induction equation (28) (only
that here we only include electrons). It describes, how the magnetic field changes due
to advection, compression and stretching. The second term is new. It is referred to as
the baroclinic term. It describes the evolution of the magnetic field due to non-aligned
gradients of electron number density and temperature. Starting with no initial magnetic
field B = 0, the baroclinic term can create magnetic fields.

Such a baroclinic term can be created within different scenarios. In ionization fronts, the
electrons are more easily hit by the photons, because of the larger Thomson cross section
(Gnedin et al., 2000). This can occur e.g. in quasars, supernovae or starburst galaxies
(Miranda et al., 1998; Furlanetto & Loeb, 2001; Doi & Susa, 2011; Garaldi et al., 2021).
Also, for example, bow shocks or structure formation shocks can create magnetic fields,
using the Biermann battery effect (Kulsrud et al., 1997; Zhao et al., 2008; Mtchedlidze et
al., 2021). This mechanism has been applied to various scenarios (Rees, 1987; Andreasyan,
1996). The created fields are at the order of 10−21 − 10−18G at the coherence length of
a few kpc. Now we introduce three further mechanisms that are able to produce small
magnetic seed fields.

Photoionization during reionization can create magnetic fields. It adds an additional
electron charge separation (Gnedin et al., 2000; Durrive & Langer, 2015). This uses the
same assumption as stated above for the Biermann battery equation (45). The effects
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of photoionization add two additional terms. They account for the additional electron
pressure and momentum gradients created by the ionizing photons. Both Gnedin et
al. (2000) and Durrive & Langer (2015) find that the strength of the created fields is
comparable to those created with the Biermann battery.

Schlickeiser & Shukla (2003), Bret et al. (2010), Bresci et al. (2022) and Kunz et al.
(2022) suggest, that the Weibel instability could create a magnetic seed field at the order of
10−4µG (e.g. Kunz et al. 2022) on small scales. The Weibel instability is induced by a small
transverse magnetic field perturbation. This can occur either due to counterstreaming
flows or via temperature anisotropies. The Lorentz force will naturally sort particles with
positive charge and negative charge, such as electrons and positrons, into counterstreaming
current sheats. This amplifies the magnetic field perturbation and induces a magnetic
instability. The remaining question is whether the generated small-scale field can be
carried to larger scales (this is under active research, see e.g. Cagas et al. 2017; Zhang,
Wu, et al. 2022).

Primodial magnetic fields from the early Universe are also potential candidates for seed
magnetic fields. Discussed scenarios include vacuum electromagnetic field fluctuations
that are stretched to large scales during inflation (Mtchedlidze et al., 2021, 2022) or
seed field creation via phase transitions (Vachaspati, 1991; Subramanian, 2016). The
phase transition results from quarks that are confined within hadrons. The free binding
energy can be converted into magnetic energy (Grasso & Rubinstein, 2001). Both these
approaches come with the problem that the expansion of the Universe will lower the
magnetic field values. Therefore, initially very high seed field values are required.

There are different scenarios that are able to create initially weak seed fields. Commonly,
it is assumed that, on cluster scales, seed fields are created by structure formation via
means of the Biermann battery (Mtchedlidze et al., 2021). None of the above described
mechanisms are able to create magnetic fields at the strength that is being observed on
their own. We need to find mechanisms that are able to amplify weak magnetic fields.

2.3.3 The Turbulent Small-Scale Dynamo

Magnetic seed fields can be generated within different astrophysical scenarios, for example
via means of the Biermann battery (45) (section 2.3.2). But how can those rather weak
seed fields get amplified to the values of a few µG that we observe today? In this subsection,
we describe how the magnetic field can get non-adiabatically amplified via the turbulent
small-scale dynamo.

What is the turbulent small-scale dynamo? The ICM is turbulent. Feedback processes,
as well as structure formation processes add energy mostly in kinetic or thermal form (at
first) to the ICM (section 2.2.4). How can we convert these into magnetic energy? To see
this, we compare the Biermann battery equation (45) to the vorticity evolution equation
(22). Both come with a "convective" term that describes how the magnetic field/vorticity is
frozen into the flux. Also the second terms look very similar: both describe a misalignment
between the density and temperature gradients (or pressure, which can be rewritten as
temperature, using the ideal gas law P = nkBT ). The vorticity evolution is tightly coupled
to the magnetic field evolution. This is a manifestation of the famous stretching, twisting,
folding and merging of magnetic field lines (Asgari-Targhi & Berger, 2009). This process
increases the magnetic field line density and thus the magnetic field strength, as shown
in figure 9. Vorticity is the eddy velocity divided by its size (equation 18). Small eddies
have a high vorticity. Thus, on the smallest scales, the stretching, twisting, folding and
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merging of field lines works most efficiently. Together with this, also the magnetic field
amplification works fastest on the smallest scales.

Figure 9: An illustration of the stretching, twisting, folding, merging of magnetic field
lines. This process amplifies the magnetic field strength by increasing the field line number
density. Credits: www.mpifr-bonn.mpg.de/3622111/lectures6-9.pdf.

How does the turbulent dynamo work? Figure 10 provides an illustration of the turbulent
small-scale dynamo. Turbulence is injected in form of eddies at large scales. The eddies
decay, accordingly to the Kolmogorov spectrum (equation 20). The vorticity is truncated
at the viscous scales lvisc = k−1

visc. The magnetic field though can dynamically evolve
below these scales, if the resistivity is much smaller than the viscosity (which is he case
in the ICM). In this case, the resistive scales lie below the viscous scales: lres = k−1

res .
The magnetic field dynamics is truncated at the resistive scales. There, resistive diffusion
prevents any further folding of the field lines. The resistive scales lie below the viscous
scales: lres ∼ LRe−1/4Re−1/2

m ∼ lviscPm−1/2 << lvisc for a plasma with a high magnetic
Prandtl number (Kunz et al., 2022). We define the magnetic Reynolds number (similar
to the "normal" Reynolds number in equation 55)(Pfrommer, 2022):

Rem = convection
diffusion = vB

L
·
(

DB

L2

)−1
. (46)

Here, D is the magnetic diffusion coefficient. The diffusion coefficient is dependent on
the electric resistivity η. The ICM is turbulent. The convective term dominates and the
magnetic Reynolds number is high. The fluid is very conductive. The magnetic Prandtl
number reads (Kunz et al., 2022):

Pm = Rem
Re = ν

η
. (47)

It sets viscosity ν and magnetic resistivity η into relation. The right panel of figure 10
shows how the magnetic field, on large scales, follows the rotational movement of the flow.
On small scales, it inspirals further, where it is stretched over the subviscous scales. On
the smallest scales that have the highest vorticity, the amplification works fastest and the
magnetic field grows exponentially. Technically, this is described by a correlation function
(Rincon, 2019). It correlates motion in the velocity field to motion in the magnetic field,
but on smaller scales.

The amplification of the magnetic field on small scales is truncated at the resistive scales.
This is due to resistive dissipation. The magnetic field cannot grow any further on small

32



2 BACKGROUND

scales. All small scale kinetic energy is used up. Looking at the Kolmogorov spectrum
(20), indicated in figure 10, the larger scale eddies provide more power, though they have
a smaller vorticity. Thus, the magnetic field keeps growing with the larger eddies, that
provide more power, but on larger time scales. This phase is referred to as the non-linear
regime.

This is described by Kazantsev theory (Kazantsev, 1968; Kraichman, 1966). We do not
provide a mathematical description here, but instead refer to Subramanian (2008); Schober
et al. (2013); Subramanian (2018); Rincon (2019); Kunz et al. (2022); Steinwandel et al.
(2022). In contrast to the Kolmogorov spectrum scaling with −5/3, see equation (20), the
Kazantsev spectrum reads (Kunz et al., 2022)

E (k) ∝ k3/2. (48)

Figure 10: On the right: A MHD simulation of a three dimensional box. The magnetic
energy is concentrated at the resistive scales, where Pm ∼ 300. It shows nicely, how the
magnetic field lines follow the large scale rotational movement, but then inspiral further
on smaller scales. On the left: turbulence is injected with the Kolmogorov spectrum
and truncated at the viscous scales. The magnetic field inspirals further until it reaches
the resistive scales, where it is amplified fastest. Once, the magnetic field energy is in
equipartition with the eddy energy at the viscous scales, the magnetic field keeps growing
with the larger eddies, until their energies are in equipartition. This is referrred to as
non-linear regime. It grows, accordingly to the Kazantsev spectrum Credits: (Kunz et al.,
2022).

During the amplification through the turbulent dynamo, Schober et al. (2013) estimate
the growth of the magnetic field with an exponential (also Pfrommer et al. 2022 estimate
with an exponential):

B(t) =
{

B0 exp (Γt) t < tsat,

Bsat t > tsat
. (49)

Here, B0 is the amplitude of the magnetic seed field and Γ is the growth rate. The time at
which the maximum magnetic energy is reached at the injection scales is tsat. The growth
rate can be estimated with (Pfrommer et al., 2022):

Γ = V
L

Re1/2, (50)
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where V and L are the velocities and sizes of the injected eddies. The growth rate is most
efficient for a high Reynolds number (equation 55).

At what strength Bsat is the magnetic field saturated? In theory, the magnetic field
saturates, when the magnetic energy is in equipartition with the turbulent kinetic energy.
The coherence length equals the eddy injection scale (see figure 10). Near the equipartition
scale, the magnetic field is so strong that it backreacts onto the plasma (see e.g. Pfrommer
et al. 2022). In strong, curved magnetic fields, the magnetic tension force is high and
prevents the magnetic field from further folding. The tension can be released by a process
called diffusive reconnection (Treumann & Baumjohann, 2013). Partly, it is released to
turbulence in form of kinetic energy again. The diffusive reconnection lowers the magnetic
field energy again and leads to an increase in the turbulent energy (S. Xu & Lazarian,
2020). At this point, the turbulent stretching of the magnetic field exactly balances the
shrinking due to reconnection.

What is magnetic tension and why does it act in curved field lines? The coherence length
and the energy in the magnetic field are strongly coupled to the curvature. This is referred
to as helicity (Balsara et al., 2004). We take another look at the Lorentz force to better
visualize this (Pfrommer et al., 2022):

fL = 1
c

(j × B) = 1
4π

(B · ∇) B − 1
8π

∇B2 = B2

4π
(b · ∇) b − 1

8π
∇⊥B2. (51)

Here, j is the current density, B = Bb and ∇⊥ = (1 − bb)∇. The Lorentz force can be
divided into two terms. The first one, B2/4π (b · ∇) b is referred to as curvature term.
The second term 1/8π∇⊥B2 is referred to as pressure term. Both act perpendicular to
the field lines. The pressure term can be seen analogous to pressure in a fluid. It always
points into the direction of less magnetic flux densities. The curvature force always acts to
straighten the magnetic field lines. In highly curved fields with strong field strengths, the
force becomes large and pushes the field lines to larger radii. There, the curvature force
becomes weaker again. Physically speaking, the magnetic diffusive reconnection releases
the high tension force in highly curved magnetic fields. Some of the energy is released
back to turbulence (S. Xu & Lazarian, 2020).

In practise, it is topic of current research, what exactly causes the saturation of the
magnetic dynamo at the large scales. Real turbulence is not only provided in solenoidal
form. S. Xu & Lazarian (2020) suggest, that at the injection scales, for a self-gravitating
system, the gas gets compressed again. This can cause the magnetic field to saturate,
dependent on the density. They find a scaling of B ∝ ρ0.535 for a saturated dynamo, being
subject to diffusive reconnection and being compressed (note, that they derived this for a
star forming cloud, which can very efficiently cool and compress). Fitting to observations
of nearby clusters yields a scaling of B ∝ ρ0.47 (Govoni et al., 2017; Kunz et al., 2022).
We adapt a scaling of

B ∝ ρ1/2 (52)

as indicator for a saturated dynamo.

Not all kinetic energy can be converted into magnetic energy. Real turbulent motions
do not only contain solenoidal motions, but also bulk motions and compressible motions
(Schober et al., 2013; Carteret et al., 2023). Also, parts of the turbulent energy are
dissipated into heat. Wittor et al. (2017) introduce an efficiency factor
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EB = CEEturb, (53)

stating, how much of the turbulent kinetic energy (equation 19) can be converted into
magnetic energy (equation 40). Wittor et al. (2017) estimate the efficiency coefficient
with CE = 4 − 5 %. Carteret et al. (2023) find that a high amount of compressible
motions in turbulence does not change the slope of the Kazantsev spectrum (48).

2.3.4 Simulating the Turbulent Small-Scale Dynamo

How can we create magnetic fields in a cosmological simulation? In our simulation, we
do not include any astrophysical batteries. We add an initial homogeneous magnetic seed
field, which we justify with the Biermann mechanism that can work in the early universe
via means of structure formation processes. We use a magnetic seed field of comoving
10−14G at z = 127.

How can we simulate the turbulent small scale dynamo? The efficiency of the turbulent
dynamo is dependent on the smallest scales. The dynamo relies on the effects at the viscous
and resistive scales. In our MHD equations (25)-(28), we assume a perfectly conducting
(no resistivity and viscosity) fluid. Nevertheless, these show up as numerical effects. This
is due to the finite volume and time discretization of our MHD solving approach (see
subsection 2.2.5). Numerical diffusion can be described with (Wittor et al., 2017)

ηn = 0.014ϵ3/2l2visc. (54)

The numerical diffusivity is dependent on the eddy kinetic energy (equation 19) and the
minimum scale of the turbulence. Here lvisc = 2 · dx, where dx is the cellsize (Wittor et
al., 2017).

Our resolution is what defines the viscous scales, which is equivalent to the smallest eddy
scales. The numerical Reynolds number can be estimated with (Pfrommer et al., 2022):

Ren = LV
νn

∼ 3LV
dxvth

. (55)

Here, νn is the numerical viscosity and dx is the cellsize. The velocity vth is the thermal
velocity of the cell. Both, the viscous scales and the resistive scales are dependent on the
smallest cell sizes. Thus, Pm ≈ 1.

How does the magnetic field evolve in our simulation? How good can we resolve the
turbulent dynamo in the ICM? How does including radiative physics in the simulation
modify the performance? We analyse these questions in the analysis part of this thesis.
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2.4 Galaxies

Why is it important to consider galaxies at this point? Galaxy clusters are filled with
galaxies (see section 2.1.1). Galaxies provide a setup to grow a strong magnetic field in
a short period of time, due to higher gas densities and a high amount of turbulence. In
galaxy clusters, there is a large fraction of galaxies without any self-bound gas (Butcher
& Oemler, 1984; Abadi et al., 1999). Different processes, such as galactic winds and ram
pressure stripping can remove the high magnetic field gas from galaxies to pollute the ICM
(de Gouveia Dal Pino et al., 2009; Serra et al., 2023).

2.4.1 Observations

Galaxies are subject to the theory of structure formation (section 2.1). Their sizes
and masses, abundances and feedback processes are highly dependent on the age and
environment of the galaxy (Kauffmann et al., 2003; Perret et al., 2014; Santini et al.,
2017). Galaxies form from the collapse of an initial gas cloud inside dark matter halos.
The first stellar populations start to form. Galaxies consist of dark matter, gas, which we
refer to as Interstellar Medium (ISM) and stars. Most galaxies contain AGN. The halo
masses lie in the range of ∼ 108 − 1014M⊙. The star mass fraction lies in the range of
0.001 − 0.1 (Mandelbaum et al., 2006). The gas mass fractions in galaxies vary widely.
This is due to feedback processes and environmental effects.

Galaxy cluster at higher redshift are observed with large fractions of blue galaxies (they
have a large gas amount and are star forming). Low redshift clusters show larger fractions
of red galaxies (less gas and less star formation). This is referred to as the Butcher-Oemler
effect (Butcher & Oemler, 1984; Abadi et al., 1999). This evolution is shown in figure 11.
Each dot represents a galaxy cluster at different redshifts. With increasing redshift, the
fraction of blue galaxies in the cluster increases. At z = 0, there are almost no blue galaxies
in clusters. Thus, throughout time, galaxies undergo a morphology evolution from star
forming to quiescent. What causes this?

Figure 11: The Butcher-Oemler effect: with increasing redshift, the fraction of blue
galaxies fb increases. Each dot shows a galaxy cluster at different redshift. At low
redshifts, there are almost no blue galaxies in clusters. Credits: (Butcher & Oemler,
1984).

What kind of feedback processes are there? Figure 12a shows a starburst galaxy with
a galactic wind. It exhibits a period of enhanced star formation. The galactic wind,
indicated in purple, is inferred from X-ray and Hα emission. The Hα emission is likely
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(a) The starburst galaxy M82. The purple
colors trace a galactic wind that is caused by
supernovae in the starburst region. It indicates
Hα emission, where hydrogen atoms in the
winds are energized by radiation coming from
the starburst region. Credits: Adam Block /
UA SkyCenter / Caelum Obs

(b) The galaxy ESO 137-001 in the Norma
cluster. ESO 137-001 is a so called jellyfish
galaxy. The ICM strips gas from the galaxy,
as it moves through the cluster. The stripped
gas can cool, allowing to form neutral hydrogen
(purple) and molecules, such as carbon dioxide
(orange) (Jáchym et al., 2019).

Figure 12: Two different mechanisms that can remove gas from galaxies: galactic winds
(left) and ram pressure stripping (right).

caused by high energy radiation that interacts with the galactic wind. High mass stars
in the starburst region are sources for highly energetic radiation. The X-ray emission is
likely caused by a shock that is embedded in the wind and heats up the surrounding gas
(Lehnert et al., 1999).

What kind of environmental effects are there? Some galaxies in clusters are observed with
a tail of neutral hydrogen that is stripped from the galaxy (Quilis et al., 2000; Serra et
al., 2023). In high density environments (such as the ICM), gas from the galaxy can be
pushed out, while the galaxy moves. Figure 12b shows a so-called jelly fish galaxy inside
a cluster. The emission from the tail, indicated with purple colors, is tracing the neutral
hydrogen. The orange spots are caused by molecular gas; hotspots of carbon dioxide
emission (Jáchym et al., 2019).

Metals can be used as tracer for stellar activity and the processes in galaxies. The metal
enrichment in the ICM is closely linked to the stellar evolution within galaxies. All metals
in the ICM were created in stars and removed from the galaxies. At early times, the
baryonic matter in the universe contained little to no metals (Prochaska et al., 2003).
Metal distributions in nearby galaxy clusters can be observed with X-Ray telescopes via
their emission lines. The ICM in nearby clusters is observed to have a metallicity of
Z ≈ 0.3Z⊙ (see e.g. Pfrommer 2022). The values are slightly higher in the centers, but
homogeneous in the outskirts (Biffi et al., 2017). Metals are produced in galaxies and can
be added to the ICM via galactic winds or ram pressure striping (Boselli et al., 2022).

2.4.2 Stellar Evolution in Galaxies, Galactic Winds and Ram Pressure Stripping

Why is it important to understand the stellar evolution in galaxies? Magnetic seed fields
can be created in structure formation processes, supernovae or AGN outflows via means
of the Biermann battery. Supernovae and AGN also provide energetic feedback, injecting
turbulence onto the ISM. They can also launch galactic winds that remove the gas from
galaxies. Here, we take a little detour on stellar evolution, to better understand how stellar
and AGN feedback changes with time.
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What is a galactic wind? Generally speaking, we refer to galactic wind as any kind of gas,
that leaves a galaxy. The underlying feedback processes excert a pressure on the ISM and
can potentially remove it from the galaxy. Galactic winds can be launched by stars or by
the AGN (Heckman et al., 1990; Veilleux et al., 2005). What causes galactic winds? In
starburst galaxies, galactic winds are mainly due to stellar feedback (Bookbinder et al.,
1980; Heckman et al., 1990). In older and more massive galaxies, they are mainly due to
AGN activity (Schawinski et al., 2007, 2014). SN and AGN can launch energetic feedback
that drives hot bubbles. The bubbles push out the ISM. It can leave the galaxy (which we
refer to as galactic wind). It can also fall back onto the galaxy, where it drives turbulence
(de Gouveia Dal Pino et al., 2009).

The masses and abundances of the created stars in galaxies change throughout cosmic
times. We describe the abundances of stars at different masses that form from the collapse
of an initial gas cloud with a so called Initial Mass Function (IMF) (Vogelsberger et al.,
2013):

Φ(m) =
{

Am−3 exp −log(m/mc)2

2σ2 m < 1M⊙,

Bm−2.3 m > 1M⊙
. (56)

We call a population of stars described with an IMF a Single Stellar Population (SSP).
Here, Φ(m)[dN/d log m] gives the number of stars that form with a certain mass m.
The normalization coefficients mc, σ, A and B can be tuned to match observed stellar
populations at different redshifts. The possible masses of stars lie usually in the range
0.01M⊙ < m < 100M⊙. This IMF (equation 56) is characterised by a less steep slope of
−2.3 for stars lighter than the sun and a steeper slope of −3 for stars with more than one
solar mass. The slopes of this IMF are from Chabrier (2003). Physically speaking, this
shows, how an SSP contains lots of low mass stars and only few high mass stars. The
slopes of the IMF though changes throughout cosmic times. At early times, we use a so
called bottom heavy IMF (Sartorio et al., 2023). It is indicated by a steeper slope for low
mass stars and a less steep slope for high mass stars. Physically speaking, the bottom
heavy IMF creates less low mass stars, but more higher mass stars. Throughout their
lifetimes, galaxies have multiple starburst episodes. Thus, galaxies contain multiple SSP.

Why are stars in the young universe more massive and what kinds of implications does
this have? At early times, the universe was much hotter, denser (see equation 6) and
metal-poor (Jappsen et al., 2009). Gravitationally collapsed gas with these properties has
a lower cooling efficiency (Yoshida et al., 2003). This allows to form very massive stars
(Yoshida et al., 2006). Massive stars are short lived (Abel et al., 2002). The fuel for nuclear
fusion is truncated fast and they explode as SN. This can transport the magnetic fields
of the stars to the ISM, it can generate magnetic seed fields via means of the Biermann
battery (Hanayama et al., 2005) (equation 45), it can add turbulence that amplifies already
existing magnetic fields via means of the turbulent dynamo (Schober et al., 2013) (section
2.2.4) and it can cause galactic winds. The occurrence of galactic winds is dependent on
the masses and abundances of stars. In young galaxies, galactic winds are thought to
be mainly caused by stars (Bookbinder et al., 1980). Galaxies consist of multiple stellar
populations. These form at different epochs in a galaxies life.

The photons emitted by the very first stars are highly energetic. They can potentially
ionize whole galaxies. This phase in the cosmological evolution is referred to as reionization
(Barkana & Loeb, 2001). It takes place at redshifts of z ≈ 7 (Gnedin & Ostriker, 1997).
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Galaxies with a low virial temperature (equation 7) T200 < 104 K can lose all their gas
due to reionization (Barkana & Loeb, 1999).

AGN add energetic feedback onto the ISM. An AGN is powered by a supermassive black
hole in the center of a galaxy. The black hole is surrounded by a gas accretion disk.
The galaxy feeds the accretion disk with its gas reservoir. The AGN launches bipolar,
high energy jets that are caused by strong toroidal magnetic fields (Lobanov, 1998).
The amount of AGN feedback is dependent on the accretion efficiency. We differentiate
between quasar mode feedback for a high accretion efficiency and radio mode feedback
for a lower accretion efficiency. In the quasar mode, the jets consist mainly of highly
energetic radiation. Quasars are among the brightest light sources in the night sky at high
wavelengths. Quasars appear primarily at high redshifts. The amount of AGN feedback
grows together with the bulge of their host galaxies (Shields et al., 2008; Lapi et al., 2014).
The epoch of maximum quasar feedback is at z ≈ 2 (Zakamska et al., 2016). This coincides
with the peak of star formation efficiency (as star formation induced feedback feeds the
AGN) (Dadina et al., 2022). Radio mode AGN are more effective in launching galactic
winds and adding turbulence. They emit primarily in radio (Urry & Padovani, 1995).
The launched jets consist mainly of relativistically moving, charged particles. The jets of
radio mode AGN can inflate low density, high temperature bubbles that add mechanical
feedback to the surrounding gas. The bubbles are filled with relativistic particles that
create the radio emission. These bubbles are also referred to as radio bubbles (McNamara
& Nulsen, 2012). They can be seen in X-ray images as cavities with lower densities (Bîrzan
et al., 2004) (as seen in figure 6). These bubbles rise buoyantly. They excert a pressure on
the ISM and can launch galactic winds (Torrey et al., 2020) and add turbulence. Radio
mode feedback plays a dominant role in launching galactic winds for z < 2.

Galaxies can not only lose their gas reservoir through internal processes, but also via
interactions with their surroundings. While moving through the ICM, it excerts a ram
pressure on the ISM. This can potentially remove the gas from the galaxy (Jáchym et al.,
2019; Serra et al., 2023).

How does this work? Though the ICM has a comparable low density, the velocities of the
galaxies can be rather high. This creates a large ram pressure force. The gas is removed
when the ram pressure is greater than the gravitational restoring energy per unit volume.
Higher densities, as well as higher velocities cause a higher ram pressure. Thus, ram
pressure stripping is mostly effective near the centers of galaxy clusters (Van De Ven et
al., 2009).

We can calculate the possibility for ram pressure stripping to occur by balancing the
restoring gravitational binding force onto the galaxy with the ram pressure excerted onto
the galaxy. Assuming the galaxy to obey a cylindrical geometry, such that the geometry
can be described by radius rd and height z only. The gravitational potential of the galaxy
is mainly dominated by dark matter. We therefore neglect baryons and only account for
dark matter. We assume the galaxy to move through the ICM face on. In order to calculate
the gravitational force, we would need to integrate the Poisson equation. In principle, it
is complicated to get the density. We can decompose the galaxy into disk, bulge, halo
and differentiate between stars and gas and also take the triaxial distribution of the dark
matter halo into account. Instead, we assume a constant density of a cylindrical object
that is moving face on through the ICM. The ram pressure criterion reads (Van De Ven
et al., 2009):
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ρICM(r)v2
gal(r) = 4πGM2

tot
r4

dπ2 , (57)

where vgal(r) is the velocity of the galaxy, relative to the ICM velocity, Mtot is the total
dark matter mass in the galaxy and rd is the radius of the galaxy, assuming it to have a
cylindrical form. If the ram pressure, on the left, exceeds the gravitational binding force,
on the right, gas can be stripped from the galaxy. This is also referred to as Gunn and
Gott criterion (Gunn & Gott, 1972).

2.4.3 Simulating Galaxies

How does including radiative physics influence the growth of the magnetic field in a
cosmological simulation? In order to answer this question, we include the galaxy formation
module (GFM) FABLE (Henden et al., 2018) in our simulation. It uses a subgrid model
for star formation that is based on the GFM described by Vogelsberger et al. (2013). It
includes a star formation and AGN module based on Hernquist & Springel (2003) and a
module for radiative cooling and chemical enrichment based on Wiersma, Schaye, & Smith
(2009). The feedback models are calibrated to reproduce observations.

How do we treat star formation and stellar feedback in our simulation? Similar to
Vogelsberger et al. (2013), FABLE uses an effective equation of state for gas (equation 11)
and a model for cooling of gas. Once, the gas reaches a density threshold (0.13 cm−3), the
gas cells are turned into star forming cells. A probability of turning into a star or a wind
particle is assigned to each cell with an associated star forming time. To decide whether a
cell is turned into a star or wind particle, a probability is assigned to it: x ∈ (0, 1), where
x < 1

1+ηW
is turned into a star particle with ηW being the wind mass load factor. Each

star particle displays a SSP that is described with an IMF (equation 56). Vogelsberger
et al. (2013) use the normalization coefficients mc = 0.079, σ = 0.69, A = 0.852464
and B = 0.237912. The wind particles are decoupled from the hydrodynamics and only
interact gravitationally. They carry the mass, metallicity and momentum of the initial
gas cell. They recouple to the hydrodynamics again, after they travel for a certain time
or when they encounter a gas cell that has a certain density treshold. Then, they deposit
their mass, metallicity and momentum to the gas cell again. FABLE is based on the GFM
of Vogelsberger et al. (2013) and uses the same approach (Henden, 2019).

With the IMF, the fraction of different star masses that are created is described. The
feedback is dependent on the mass of the stars. Within each timestep, a mass loss and
metal enrichment of the stellar population as a whole is calculated, based on the IMF.
The times at which the wind particles are launched, as well as their abundance depend
on the abundance of stars with different masses. The mass and metal return of high mass
stars is treated directly in the same timestep, in which the wind particle forms. For the
wind particles, representing the feedback from lower mass stars, it is more complicated.
These have a time delay function that returns their mass in a later timestep. These two
different wind models are referred to as the local and the non-local wind. The velocity
of the wind is based on the 1D DM velocity dispersion σ1D

DM (assuming the galaxy to be
virialized) (Vogelsberger et al., 2013):

vW = κWσ1D
DM, (58)
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where κW is a dimensionless parameter, taking into account that the wind velocity is also
correlated to the maximum rotational velocity of the galaxy. FABLE includes a bipolar
wind model, where the wind particle can only be launched two directional (Henden, 2019).

The wind mass load factor is calculated as

ηW = 1
v2

W

(
ϵW +

√
ϵ2
W + v2

Wp2
)

(59)

with ϵW being the specific wind energy provided by the SN and p is the momentum. In
contrast to Vogelsberger et al. (2013), where the stellar feedback is purely kinetic (so
ϵW = 0), in FABLE, one third of the wind energy is deposited as thermal energy. This
lowers the cooling efficiency and prevents the gas from directly falling back onto the galaxy
(Henden et al., 2018; Henden, 2019).

The metal mass that is deposited, when the wind particle recouples to the hydrodynamics
again, ZW, is slightly modified from the metallicity of the initial gas cell, ZISM. This is
due to the fact that a real wind will strip and carry ISM, as it moves through the galaxy.
The metal loss factor γW (Vogelsberger et al., 2013) reads:

ZW = γWZISM. (60)

In order to account for cooling, FABLE includes a cooling function, based on the work of
Wiersma, Schaye, Theuns, et al. (2009):

Λ(T, ρ, z, Z) = Λp(T, ρ, z) + Z

Z⊙
Λm(T, ρ, z) + ΛC(T, ρ, z). (61)

Metal line cooling Z
Z⊙

Λm(T, ρ, z) is dependent on CLOUDY cooling tables, including
different element abundances, temperatures and associated cooling rates: Also Compton
cooling off the CMB ΛC(T, ρ, z) is added. Primordial cooling and heating Λp(T, ρ, z) is
accounted for separately. It is derived from ionization equations that rely on the cooling,
recombination and ionization rates of primodial gas. The UV background (mainly caused
by quasars and starburst galaxies) is included. A uniform time-dependent UV background
is assumed (Wiersma, Schaye, Theuns, et al., 2009; Vogelsberger et al., 2013).

The AGN module in FABLE is based on the AGN module of Vogelsberger et al. (2013).
The feedback induced by AGN depends on the AGN accretion rate. The gas accretion
rate is modeled with a Bondi-Hoyle-Lyttleton based Eddington limited rate. The accretion
efficiency gets lower with rising galaxy masses. 10 percent of the accreted mass is added to
the BH mass, the rest is released as energy in form of feedback. The feedback model is a two
state model. It is differentiated based on the mass accretion rate. For ṀBH/ṀEdd < 0.01,
the actual accretion rate of the black hole, compared to the Eddignton accretion rate,
the BH is in radio mode, adding mechanical energy to its environment. Otherwise it is
in quasar mode and adding thermal energy to its environment. In the quasar mode, a
fraction of the accreted mass is released and couples as thermal energy (with an efficiency
ϵr = 0.1) isotropically to nearby gas cells within the thermal feedback radius. The quasar
mode is dominant at high redshifts. In contrast to the approach of Vogelsberger et al.
(2013), the quasar mode feedback in FABLE is not continuous, the feedback is injected
all ∆t = 25 Myr timesteps (Henden, 2019). For the radio mode, the AGN injects hot,
buoyantly rising bubbles. The radio mode AGN module is based on the work of Sijacki
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et al. (2007). The time of the bubble injection and energy content and sizes are based on
the BHs mass and and accretion rate. The bubbles are injected, whenever the BH mass
has grown by a factor δBH = δMBH/MBH. The bubbles have fixed radii, travel distances,
energies and an efficiency factor (with an efficiency factor ϵq = 0.08). The radio mode
feedback is the dominant channel for lower redshifts. The remainder of the available energy
for feedback in quasar and radio mode is released as radiation in the direct surroundings
of the black hole (Henden, 2019).

In order to identify galaxies in our simulation, we use the SUBFIND algorithm (Dolag et
al., 2009). In addition to the FoF algorithm, as discussed in section 2.1.3, the SUBFIND
algorithm takes baryonic physics into account. First, overdense structures are identified
by drawing density contours around overdense regions. In a next step, a gravitational
unbinding procedure is applied, where random velocities are assigned to the particles in
an overdense structure. If more than a threshold of the particles survives this procedure,
the halo is counted as subhalo (galaxy). The procedure is applied to the DM particles,
but also to the stars and black holes. A virial radius and center of mass is calculated for
each subhalo.
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3 Analysis

3.1 Magnetic Field at z = 0
How does including radiative physics in a cosmological simulation influence the magnetic
field evolution in galaxy clusters? We analyse the evolution of the magnetic field in the
radiative setup and in the non-radiative setup. We start the analysis with looking at the
large-scale behaviour of the magnetic field in both simulation setups across the galaxy
cluster. In figure 13, we show a projection of the magnetic field strength at z = 0 for
both simulation runs. The left panel shows the radiative run and the right panel the
non-radiative run. The magnetic field strength looks comparable in both runs inside the
virial radius, which is indicated with the white circle.

The highest magnetic field strength values are reached in the center, where the densities are
highest. It decreases towards the outskirts. Both runs reach values of ∼ 5µG in the center
with locally, small-scale higher peaks. There are small differences in the fine-structure of
the magnetic field. The non-radiative run has a more filamentary structure. This can be
an artefact of the projection. Projecting along non-overlying filaments could erase them
in the radiative run. This can be caused by turbulence. The magnetic field strength has
a smoother distribution in the radiative run. It shows slightly higher values, compared
to the non-radiative run, in the outskirts. The non-radiative run shows a steeper decline
towards the outskirts. This is due to the fact that accreted objects (galaxies and smaller
clusters) bring their own high magnetic field gas. This enriches the outskirts.

In the radiative run, we see little dots with high magnetic field values beyond the virial
radius. These are galaxies. The accretion of already pre-enriched objects also yields
higher magnetic field values beyond the virial radius in the radiative run. The magnetic
field beyond the virial radius is non-symmetric. This is due to the filaments of the cosmic
web. They are connected to the cluster in the upper left and lower right. In the radiative
run, the infalling galaxies move on the filaments. The galaxies can be seen as spots
with an increased magnetic field strength (in the upper left and right). In the galaxies,
where the cooling is very efficient, the gas can reach high densities. The flux freezing
enables higher magnetic field strengths. The magnetic field values are slightly higher in
filamentary-direction, especially to the lower right.

To summarize, at z = 0, the magnetic field looks comparable in both runs inside the virial
radius. The non-radiative run shows a slightly higher amount of fine-structure. Beyond, it
is more extended along the filaments and more puffy in the radiative run. In the radiative
run, the filaments carry already pre-enriched gas that is being accreted onto the cluster.

3.1.1 Discussion

Our magnetic field strength values are matching with observations. Faraday rotation
measures yield 3.9-5.4µG in the coma cluster (Kunz et al., 2022). Osinga et al. (2022) find
central values of 5 − 10µG and declining with a power law towards the outskirts. They
use depolarizaion of radio emission from clusters to measure the magnetic field strength
in a sample of galaxy clusters at z < 0.35. Radio emission emitted by a narrow source is
polarized. When measuring the radio emission from a large volume, different polarization
states would cancel and yield, in total, unpolarized emission. Osinga et al. (2022) find
that the state of depolarization is high in the center. For dynamically disturbed clusters,
they also find a high depolarization state at the outer radii. Comparing to our findings,
where the non-radiative run shows a higher fine structure, we can associate this to a more
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Figure 13: A projection of the volume averaged root mean square magnetic field strength
at z = 0. The projection box has side lengths of 3·R200(z = 0) with R200(z = 0) = 2967.94
kpc and a similar projection depth. The virial radius is indicated with the white circle.
We show the radiative simulation on the left and the non-radiative simulation on the right.

narrow region containing the magnetic field. Whereas in the radiative run, the magnetic
field is more volume filling.

Marinacci et al. (2015) do cosmological simulations, where they compare non-radiative
simulations with simulations including a galaxy formation and feedback module. They
also find that, at z = 0, both simulations yield the same large scale magnetic field features.
In agreement with our findings, they find that the peak values of the magnetic field
are coinciding with density peaks, such that the magnetic field strength is high in the
center of massive halos. In contrast to our findings, they find that the magnetic field
strength in halos reaches over all higher values at z = 0 in the radiative simulation than
in the non-radiative simulation. They also find that their most massive halos are still
connected to the cosmic web, which is weakly magnetised in the filaments. In agreement
with our results, they find that outside the virial radius, locally increased magnetic fields
are coinciding with density peaks carried by infalling substructures.

3.2 Density Profiles

The magnetic field can be strongly coupled to the plasma density via compression (see
equation 16). We show the radial density profiles in figure 14. We show the radiative run
on the upper row and the non-radiative run in the lower row. We compare the physical
quantities, on the left, against the scaled quantities, on the right. We scale against the
critical density and the virial radius. We show the profiles for nine different redshifts,
indicated with the color scheme. All profiles have central peaks and a decline with radius.
This is matching with our findings of the magnetic field strength following the same
morphology (see figure 13).

At low redshift, the density profiles in the radiative and in the non-radiative simulation
are very similar. We fit a single beta profile (equation 13) to the density profile at z = 0.
The fit yields parameters of ρ0,1 = 5.73 · 10−27gcm−3, r0,1 = 139kpc, and β1 = 0.3 for the
radiative run. For the non-radiative run, it yields ρ0,1 = 4.7 · 10−27gcm−3, r0,1 = 330kpc,
and β1 = 0.46. Inside the virial radius, the fitted profiles match the simulated profiles
well. Beyond, the fitted profile yields higher values. This can be due to the fact, that the
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beta parameter varies with radius, whereas we assumed it to be constant. Especially in
the outskirts, the thermal energy decreases, which would yield a higher beta parameter
and thus a steeper fall of the beta profile. The outskirts are dominated by merger and
accretion of gas. Comparing to generic profiles, such as the beta profile, is non-robust in
these regions.

The physical profiles, on the left, show a redshift dependent trend. The radiative simulation
shows central higher values at high redshifts. This is due to more efficient cooling (that
scales with density squared and is very effective in the center; see equation 61) and thus
higher densities. With lower redshift, the high central values decrease in both runs. This
can be due to AGN feedback and less efficient cooling in the radiative run. As the critical
density decreases with decreasing redshift, also the accreted matter comes with lower
densities. This lowers the density of the total cluster. In the left panel, we also see how
the virial radius grows with decreasing redshift. We compare to the right panel. In the
non-radiative run, the density profile seems to be redshift-independent. This shows, how
the cluster grows self-similarly with redshift. The density profile within the virial radius
is only dependent on the critical density of the universe. In the radiative run, the central
profiles are not self-similar across different redshifts. At higher redshift, the values are
higher and decrease towards lower redshift. This can be also associated to more efficient
cooling in the center. Later, the AGN injects energy into the central regions, diluting the
ICM and yielding lower values again. The size of the central region stays fixed in units of
the virial radius at the high redshifts.

10 29

10 27

10 25

10 23

[g
/c

m
3 ]

rad

10 2

100

102

/
cr

(z
)

101 103

R[kpc]

10 29

10 27

10 25

10 23

[g
/c

m
3 ]

non-rad

10 2 10 1 100

R/R200(z)

10 2

100

102

/
cr

(z
)

0

2

4

6

z

0

2

4

6

z

Figure 14: Radial profiles of the volume weighted density. The upper panel shows the
radiative run, the lower one the non-radiative run. On the left, we show the physical
quantities. On the right, we show the density in units of the critical density and the
radius in units of the virial radius. The different colors indicate nine different redshifts.
The red, dashed line indicates a beta profile, fitted to the z = 0 density profile.
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3.2.1 Discussion

The single beta profile is characteristic for non-cool core clusters (Patej & Loeb, 2015).
McDonald et al. (2017) compare observations of a cool core cluster sample at 0 < z < 1.9
taken from Sunyaev-Zeldovich and X-ray measurements. They find that a cool core cluster
density profile can be combined from a high density core profile that has a fixed size and
density across different redshifts and a lower density profile that determines the outer radii
and grows self-similar together with the critical density of the Universe across different
redshifts. This is matching with our findings, assuming that our non-cool core cluster
only follows this self-similar growth. In difference to McDonald et al. (2017), we simulate
at higher redshifts and not only at lower ones. Thus, we cannot compare the redshift
evolution beyond z > 2. Also, we simulate a non-cool core cluster, whereas McDonald
et al. (2017) observe cool core clusters. Nevertheless, we also see, how the outer profiles
evolve self-similar with redshift (see figure 10 from McDonald et al. (2017)). Also our
cluster core in the radiative run have approximately the same size and density across the
higher redshifts (see upper right panel of figure 14).

Mohr et al. (1999) observe a sample of nearby clusters in the X-rays. They fit a single beta
profile. They find lower β values compared to β ∼ 1, which is usually assumed (Pfrommer,
2022). This is matching with our findings. They find a distribution of beta parameters for
different clusters 0.35 < β < 0.7 (see their figure 9). Our fit values sit at the low end of
this range. Mohr et al. (1999) also find that central lower X-ray temperatures correspond
to a peak in the density profile in the center. Thus, higher temperatures imply lower beta
values. As the cluster from our simulation sits at the high mass end, this can explain our
low beta values. Higher masses correspond to higher gas temperatures (see equation 7).
Mohr et al. (1999) only fit within the virial radius. They also highlight that the radial
dependence of β should be kept in mind and that thus, the fitted profiles do not account
for all radii.

Patej & Loeb (2015) establish a model for density profiles of non-cool core clusters and
compare against the observations of Mohr et al. (1999). They find that the density in
the center is dependent on the central cooling time. Assuming different entropy levels
in the center, they find a flat, high density profile (for lower entropy) and a flat, low
density profile (for higher entropy). In the outer radii, they recover the same profile for all
entropy levels (see figure 7 of Patej & Loeb 2015). They find that balance between AGN
activity, gravity and cooling is not sufficient to explain the central flat density profiles.
They suggest that the infalling gas is preheated. Comparing to our findings, this could
explain why, beyond the virial radius, our density profiles lie below our fitted beta profiles.
Before entering the cluster, the gas is preheated via an accretion shock, yielding the low
densities.

3.3 Magnetic Field Evolution with Time

We want to study the magnetic field evolution with time in our simulated galaxy cluster.
What are the differences in the evolution between the radiative and the non-radiative run?
Comparing these, enables us to separate the effects caused by radiative physics from other
effects that could influence the magnetic field, such as the turbulent dynamo.

In figure 15, we show how the magnetic field strength evolves with redshift. We show
the radiative run in the upper panel and the non-radiative one in the lower panel. We
differentiate between the physical quantities, on the left and the comoving ones, on the
right (see equation 39 for the calculation from physical to comoving). We show four
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different radial bins in fractions of the virial radius R200(z), indicated with the color
scheme. The magnetic field in galaxies is indicated with the red color for the radiative
run. The dashed vertical lines indicate the collapse of the protocluster at z = 9.5 and two
merger that are happening at z = 4.5 and at z = 2. The magnetic field grows faster in
the radiative run and reaches saturation earlier. This can be due to galaxies that eject
their high magnetic field gas into the ICM in the radiative run. In the galaxies, we reach
magnetic field strengths of B ≈ 20µG. The saturated values for the ICM, in the radiative
and in the non-radiative run, are very similar. In the most central bin, we reach values of
B ≈ 5µG, while in the most outer bin, 0.8µG

3.3.1 The Radiative Simulation

After the collapse of the protocluster at z = 9.5, the magnetic field strength rises almost
vertically in all panels. This is due to the abrupt density increase, caused by the collapse.
Afterwards, a structure formation shock adds turbulence to the ICM and can amplify the
magnetic field further, for example with the small-scale dynamo. In the radiative run,
the magnetic field is saturated at z ≈ 3.5. The amplification in the radiative run can
be divided into two phases 9.5 < z < 4.5 and 4.5 < z < 3.5 that are separated by the
structure formation collapse (first black vertical line) and the first bigger merger (second
vertical line).

In the first phase, the magnetic field reaches a peak value and decreases again. In the
ICM, the magnetic field is strongest in the central 1/4R200 bin. The magnetic field
strength decreases with radius. The bump in the first phase is most pronounced for the
galaxies, followed by the central radial bin and least pronounced for the outer radial bin.
Inside galaxies, gas cooling leads to higher densities, enabling also a higher magnetic field
strength. Also the first SN start to go off and add turbulence to the gas in the galaxies,
which is efficient to amplify the magnetic field in the galaxies. We see that the shape
of the curves in the cluster follows tightly the one from the galaxies. The galaxy curve
starts to rise earlier and reaches higher values. The magnetic field grows together with
the star forming regions. At these high redshifts, 9.5 < z < 4.5, the star forming regions
are dominated by the BCG, where most stars are created. The high magnetic field gas,
associated to the star forming regions (mostly in the center), is ejected into the central
ICM and gets diluted towards the outskirts. This could explain the very pronounced bump
in the inner radial bin and least pronounced bump in the outer radial bin in the first phase.

Now we look at the second phase, after the first merger. In the second phase, from
4.5 < z < 3.5, the magnetic field rises exponentially in the whole ICM and in the galaxies.
After the exponential growth, it saturates in all radial bins. Again, the trend in the ICM
follows the one in the galaxies, only at lower values. The first merger coincides with a
drop of the magnetic field strength in all radial bins and in the galaxies. The merger
adds new galaxies and gas to the cluster that have potentially lower field strengths. The
explanation is that these objects are attracted by the cluster, meaning that they are less
massive and have formed later and had less time to form a magnetic field. The merger
also adds a high amount of turbulence to the ICM, which can give rise to a turbulent
dynamo. How can we explain the similarity between the magnetic field evolution in the
galaxies and in the ICM? Stars in the early Universe go off as SN, as soon as they are
created. These first stars are very massive and big due to a lack of efficient cooling (as
discussed in section 2.4.3). The SN add a high amount of turbulence to the star forming
regions. In the star forming regions, the cells are small due to the efficient gas cooling.
Both enables the turbulent dynamo to efficiently amplify magnetic fields, which explains
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the high magnetic field in the star forming regions. Looking at the ICM, galaxies can lose
their gas due to ram pressure stripping or galactic winds. Additionally, the first merger
injects a high amount of turbulence, which can enable the turbulent dynamo to further
amplify the magnetic field in the ICM.

3.3.2 The Non-Radiative Simulation

In the non-radiative simulation, the magnetic field saturates at z ≈ 1. We also separate
the evolution, dependent on the merger. From 9.5 > z > 4.5, the physical magnetic field
strength stays constant in the inner radial bins and decreases slightly in the outer radial
bin. The ICM is gravitationally collapsed, but can not reach higher densities, because it
cannot cool in the inner bins. In the outer bins, the high temperatures cause the gas to
expand, yielding lower magnetic field values. In the second phase, from 4.5 > z > 2, where
the second merger is happening (indicated with the third vertical line), the magnetic field
rises exponentially. The exponent is highest for the inner radial bin. Directly after the
merger, there is an initial rise and decrease of the magnetic field in the outer most radial
bin. This bump is less pronounced for the inner bins. As the merger enters the cluster,
it can add its central, high magnetic field gas to the outer radial bin. As the merger
proceeds, turbulence distributes this gas throughout the whole ICM, yielding lower values
in the outer radial bins again. The merger injects a high amount of turbulence, enabling
the turbulent dynamo to act. In the center, the densities are highest, which can make
the turbulent dynamo more efficient (as higher densities enable smaller cells). After the
second merger, that again adds a high amount of turbulence, the magnetic field grows
even faster, again fastest in the center. In contrast to the radiative run, the transition
from a growing magnetic field to a saturated one is more smooth instead of abrupt. In
the outer radial bin, this transition happens the slowest.

3.3.3 High Redshifts and Low Redshifts

Before the collapse of the protocluster, at z = 9.5, the magnetic field strength is dominated
by the expansion of the universe. We use the high resolution region to compute the
magnetic field strength. We fit a power law to the physical magnetic field strengths in
the radiative and in the non-radiative run. For the non-radiative run, we find a scaling
B ∝ z1.9. This is an indicator for the magnetic field being diluted due to the expansion
of the universe. In the case of adiabatic expansion of a density field, the magnetic field
scales as B ∝ ρ2/3 (see equation 16). The density scales with the scale factor as ρ ∝ a−3,
such that ρ ∝ (1 + z)3. This yields B ∝ (1 + z)2. In the non-radiative simulation with
the comoving quantities, the magnetic field strength stays constant before the collapse.
It gets diluted, because the universe expands. In the radiative run, we fit the magnetic
field strength to scale as B ∝ z2.9, which is a too steep decrease for it to be caused by
adiabatic expansion only. The dilution of the magnetic field is associated to radiative
physics acting on top of the dilution because of the expansion of the universe. Looking
at the our gas cooling function (equation 61), this additional decrease can be caused by
primordial heating or by our UV background. It cannot be caused by AGN or stars adding
energy, because the first AGN and stars only form after the collapse of the protocluster.

The magnetic field stays saturated until z = 0 (we only show until z = 10−2 because of
the logarithmic scaling). In the absence of any process that amplifies the magnetic field, it
would decay due to numerical diffusion. Frequent merger keep injecting turbulent energy
that is converted to magnetic energy and keeps the magnetic field strength constant (we
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discuss this in section 3.4).

To summarize, including radiative physics enables the magnetic field to grow faster. In the
radiative run, there are two phases of interest: 9.5 < z < 4.5, where we see the bump and
4.5 < z < 2, where the magnetic field rises exponentially. These regimes look different in
the non-radiative run. There is no change in the magnetic field strength in the first phase
in the non-radiative run. Thus, the bump in the radiative run is purely caused by the
effects of radiative physics. Especially, it is dominated by the star forming regions that, in
return, are mostly dominated by the BCG. In the second phase, the magnetic field rises
steeper in the radiative run and reaches saturation before the end of the second phase,
while in the non-radiative run, it also keeps growing afterwards. In the non-radiative
run, the growth is presumably caused by turbulence, added by the first merger. In the
radiative run, the effects of radiative physics act on top of the (presumably) dynamo.
Galaxies can faster grow a stronger magnetic field. Cooling of gas enables high densities,
especially in galaxies. Through adiabatic compression, this can yield higher magnetic field
values. Additionally, massive SN explosions in the early universe add turbulence to the
high density regions, enabling a more efficient turbulent dynamo to work (we discuss this
in sections 3.6 and 3.8.2). The galaxies can lose their high magnetic field gas to the ICM,
where it acts such that it adds higher initial seed field values, making a dynamo even more
efficient (we discuss this in sections 3.3.6 and 3.8).

3.3.4 Fitting Growth Rates

We want to compare the growth of the magnetic field, dependent on the age of the universe,
in the radiative and in the non-radiative run. As introduced in the previous section, we
look at the second growth phase, separated by the two merger at z = 4.5 and z = 2.
These redshifts corresponds to an age of the universe of t = 1.4Gyrs and t = 3.3Gyrs,
respectively (see equation 5). In this phase, the radiative run experiences the exponential
growth between t = 1.4Gyrs and t = 1.9Gyrs (corresponding to z = 4.5 and z = 3.5). In
the non-radiative run, the magnetic field experiences its first exponential growth phase.
Only here, we also analyse the zoom8 run. We compare the zoom8 and the zoom12 growth
rates to see the effects of the resolution. We analyse the growth rates for the center of the
cluster R < 1/4 · R200, where the densities are highest and thus, the cell sizes are smallest.

In figure 16, we fit growth rates to the growth of the magnetic field in the radiative zoom8
and zoom12 run and also to the star forming regions in the zoom8 and zoom12 run (on the
left) and to the zoom8 and zoom12 non-radiative runs (on the right). We fit the growth
rates accordingly to equation (49). The growth rates in the radiative run are higher by
more than a factor of 10. In the radiative run, the growth rates in the galaxies and in the
different zoom factors are at the same order of magnitude. In the non-radiative run, the
zoom8 growth rate is smaller by a factor of 2, compared to the zoom12 run. In the radiative
run, the growth rates are higher by a factor of 10 (compared to the zoom12 non-radiative
run) and higher by a factor of roughly 20 (compared to the zoom8 non-radiative run).

First, we analyse the radiative run. We compare the zoom8 and zoom12 run. The
magnetic field strength of the zoom8 run lies above the zoom12 run, when the universe
has an age of 1.3Gyrs, which is contradictory to dynamo theory, where the magnetic field
grows faster with a higher resolution. The exponential growth starts and the zoom12 run
catches up. We fit the growth rates for the ICM to be Γ8 = 14.45Gyr−1 in the zoom8
run and Γ12 = 13.94Gyr−1 in the zoom12 run. For the galaxies, we fit growth rates of
ΓG8 = 14.85Gyr−1 in the zoom8 run and ΓG12 = 16.03Gyr−1 in the zoom12 run. The fitted
exponential curves approximately match the magnetic field curves. An exponential rise of

49



3 ANALYSIS

10 8

10 6

10 4

10 2

100

102
B[

G
]

rad

B z2.9

0 < R < 1
4R200

1
4R200 < R < 2

4R200
2
4R200 < R < 3

4R200
3
4R200 < R < R200

galaxies
high res

10 8

10 6

10 4

10 2

100

102

B c
[

G
]

10 210 1100101

z

10 8

10 6

10 4

10 2

100

102

B[
G

]

non-rad

B z1.9

10 210 1100101

z

10 8

10 6

10 4

10 2

100

102

B c
[

G
]

Figure 15: The volume averaged root mean square magnetic field strength. In the radiative
run (upper panel) and the non-radiative run. The left panel shows the physical values,
the right panel shows the comoving values. We show the volume averaged values of
the magnetic field in the ICM for four different radial bins in fractions of the virial
radius, indicated with the different blue colors. Blue (the high resolution label) indicates
the volume averaged magnetic field strength taken from the high resolution region (The
protocluster only collapses at z = 9.5). Star forming regions are excluded from the ICM.
Red shows the volume averaged root mean square magnetic field strength of the gas inside
galaxies (gas cells with a star formation rate>0). The black dotted lines indicate our
power law fits. The vertical black, dashed lines indicate the collapse of the protocluster
at z = 9.5 and merger that are happening at z = 4.5 and z = 2.

the magnetic field strength with time is characteristic for a turbulent dynamo. Smaller
cells (a better resolution), enable a higher numeric Reynolds Number (see equation 55)
and thus a higher growth rate (see equation 50). Contradictory to this, the growth rates
in the zoom12 run are not higher, compared to the zoom8 run in the ICM, but not in
the star forming regions. We can explain this with the fact that the fitted curves match
the curves emerging from the simulation, not perfectly. What is also interesting is that
all growth rates lie in the same order of magnitude. What amplifies the magnetic field is
almost equally efficient in the galaxies, as well as in the ICM. In general, the similar growth
rates confirm that the magnetic field curves in the ICM follow the tend of the curves in
the galaxies very closely, which we already saw in figure 15. This shows that including
radiative physics can amplify a magnetic field faster than an increased resolution does. In
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fact, increasing the resolution on top of including radiative physics, does not significantly
effect the magnetic field evolution.

Now we analyse the magnetic field growth in the non-radiative run (right panel of figure
16). Again, we fit growth rates to the zoom8 and the zoom12 run. We fit growth rates of
Γ8 = 0.61Gyr−1 to the zoom8 run and Γ12 = 1.28Gyr−1 to the zoom12 run. The zoom12
run has always a higher magnetic field, compared to the zoom8 run, in contrast to the
radiative run, where initially, the zoom8 run has higher field values. The fitted curves
match the simulated ones very well. This also indicates here that a dynamo is acting in
the ICM. Turbulence is injected by the merger at t = 1.4Gyrs and the turbulent energy
can then be converted into magnetic energy. The growth rate in the zoom12 run is larger
by more than a factor of 2, compared to the zoom8 run. This makes sense, as the growth
rate in case of a dynamo is dependent on the resolution. It is to be kept in mind, that
the magnetic field keeps growing after this phase in the non-radiative run (with a higher
exponent, as shown in figure 15).

Following Pfrommer et al. (2022), we estimate the numerical Reynolds numbers Ren for
the high resolution zoom12 run in the ICM. We can estimate the numerical Reynolds
number with equation (55). Turbulence in the ICM is subsonic. We estimate the ratio
of turbulence injection velocity to thermal velocity in the center as V/vth = 0.8 for the
radiative run and V/vth = 0.7 for the non-radiative run (see figure A.1). In the radiative
run, this ratio is higher, as the AGN is in the quasar mode (see section 2.4.3) and adds
energy in the form of radiation to the surrounding gas cells. We estimate the cell sizes
as dx = 2kpc for the central ICM in the radiative run. For the non-radiative run, we
estimate the cell sizes in the central ICM as dx = 6kpc (see figure A.2). We estimate the
injection scale of the turbulence as L = 120kpc, which corresponds to the virial radius
R = R200(z = 3.98) ≈ 120kpc. At z = 3.98, we are in the regime of the exponential
growth. For the central ICM in the zoom12 run, this yields a Ren = 144 for the radiative
run and a Ren = 42 for the non-radiative run. The growth rate is approximately the eddy
turn over rate: Γ ∼ vλ/(2πλ), where vλ = VRe−1/4. We estimate the thermal velocities in
the center as vth = 420km/s in the radiative run and vth = 360km/s in the non-radiative
run. This yields turbulence injection velocities of V = 336km/s for the radiative run and
V = 252km/s in the non-radiative run. Assuming λ = 2·dx as the scale of the eddies in the
center, this yields growth rates of Γ = 3.95Gyr−1 in the radiative run and Γ = 1.34Gyr−1

in the non-radiative run. For the non-radiative run, this matches our fitted growth rate
very well. Our fitted growth rate is smaller by a factor of 0.95, compared to the analytical
estimate. Additionally, our analytical approach assumes smallest cell sizes, which is only
valid for the very center and not for the whole R < 0.25 · R200 region like we assumed
when comparing those numbers. In the radiative run, our fitted growth rate is larger than
the analytical one by a factor of 3.53. This is an evidence that something is acting on top
of the (presumably) dynamo and yielding a faster amplification of the magnetic field.

While an exponential fits the growth in the non-radiative run very well, this is not the
case for the radiative run. This is an indicator that things apart from a "simple" dynamo
are acting. Presumably, different dynamo act on top of each other or effects that are
associated to the star forming regions, encounter.

3.3.5 Merger

A galaxy cluster grows through mergers. Merging galaxies can potentially have an already
pre-enriched, higher magnetic field. As we have shown in figure 15, a strong magnetic field
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Figure 16: Zoom in from figure 15 of the central R < 0.25 · R200 into the region between
merger 1 at z = 4.5, corresponding to t = 1.4Gyrs (indicated with vertical black line) and
t = 1.4Gyrs (left panel). The right panel is a zoom in between merger 1 and merger 2
at z = 2, corresponding to t = 3.2Gyrs (second vertical black line). We show the volume
weighted root mean square of the magnetic field in the radiative run (on the left) and in
the non-radiative run on the right. We fit the growth rates B = B0 ·exp Γ · t (equation 49)
to the zoom8 run, the zoom12 run and the star forming regions (galaxies) in the zoom8
and zoom12 run.

is associated with star formation, thus we analyse the effects of merging galaxies in the
radiative run. In figure 15, we identify 2 mergers at z = 4.5 and z = 2. In figure 17,
we show the magnetic field strength and the metallicity evolving with redshift for the
radiative run, not only in the main cluster, but also in the merging objects. Metallicity
is a tracer for stellar activity, as all metals are created in stars. We show the gas values
of the high resolution region 4·R200 and indicated in black, dashed lines, 1/4·R200 and R200.

The merging objects appear in the high resolution region and orbit the cluster for some
time, before they merge into the cluster. At low redshifts, z < 3, the merging objects
bring their own high magnetic field and high metallicity gas. We see that what we identify
as merger 2 is in fact a series of smaller merging objects. Afterwards, smaller and bigger
mergers occur frequently. The virial radius (outer dashed line) grows with each merger.
The mergers contribute in two different ways to the magnetic field evolution: First, the
merging objects bring their own metal and magnetic field (which has comparable field
strengths to the magnetic field in the ICM of the main cluster) enriched gas to pollute the
main cluster. Secondary, the mergers constantly inject new turbulence, which can prevent
the magnetic field from decaying.

At high redshift, no merging objects are visible. What we identify as merger 1 at z = 4.5,
is not visible in the magnetic field plot and only weakly visible in the metallicity plot.
In the merging objects, the magnetic field starts to grow shortly after the first merger.
This coincides with the time that the magnetic field in the cluster starts to grow. We
conclude that the same mechanism that grows the cluster magnetic field in the second
phase, also grows the field in the merging objects. Essentially, merging clusters have their
own BCG that is able to amplify magnetic fields efficiently. The metallicity starts to grow
slightly earlier in the merging objects. Stars in the BCG explode as SN, enrich the ICM
with metals and add turbulence to the gas. This amplifies the magnetic field with a short
timelag.

52



3 ANALYSIS

Figure 17: Timeseries of the radiative run for radially averaged magnetic field strength
(left) and metallicity (right). The protocluster collapses at z = 9.5. We show the high
resolution region 4 · R200. The virial radius R200 and 1/4 · R200 are indicated with two
black, dashed lines. The vertical black, dashed lines indicate two mergers at z = 4.5 and
z = 2.

3.3.6 Discussion

Magnetic Field Evolution and Growth Rates

It is only limited possible to compare our findings to observations. Galaxy clusters are
extremely rare objects. As discussed in section 2.3.1, observing magnetic fields can be only
done indirectly and requires knowledge about other quantities, such as densities, sizes, or
about the nature of cosmic rays in this cluster. As our results are interesting in the redshift
regime 9.5 < z < 3.5, it is nearly impossible to know about these quantities. Additionally,
observing high redshift clusters in general is hard, as galaxy cluster are the latest steps
in structure formation and only started to form recently (see section 2.1). Thus, we will
focus on comparing our results to the findings of other simulations.

Despite using zoom-in techniques, it is difficult to simulate small scale effects, such as single
SN or AGN jets, in galaxy clusters properly, which would be necessary to more realistically
model small-scale turbulence. Projects for simulating single SN (Gutcke et al., 2021) and
AGN jets (Weinberger et al., 2022) in cosmological simulations are in development. The
efficiency of the turbulent dynamo to turn turbulent energy into kinetic energy, is highly
dependent on the resolution. But how much resolution is sufficient to simulate a dynamo?
The fact that our magnetic field grows exponentially (see section 3.3.4) is an indicator that
we can resolve a dynamo. In section 3.3.4, we have shown the resolution dependence on the
growth rates of the magnetic field strength. For the radiative run, these are approximately
the same in the zoom8 and zoom12 run. In the non-radiative run, they differ by more than
a factor of 2. This shows: without radiative physics, a higher resolution yields a better
resolved dynamo and enables thus a faster growth of the magnetic field; including radiative
physics enables to lower the resolution and grow a magnetic field fast. It converges already
at moderate resolution (zoom8). In order to investigate this further, we want to run a
zoom24 radiative and non-radiative simulation. We also run a zoom4 simulation, but did
not show it here, as the magnetic field is not converged.
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Nevertheless, the numerical Reynolds number is dependent on the resolution. We compare
our Reynolds number to observational findings. In the ICM, typical Reynolds numbers
are Re ∼ 100 (Cho, 2015), which lies at the same order of magnitude like our findings.
Roediger et al. (2013) highlight the importance to differentiate between magnetic and
normal Reynolds Number (equations 46 and 55). A low resistivity can give high magnetic
Reynolds numbers, if the viscosity is lower. Also for low Reynolds numbers in the ICM
that were found Re ∼ 50, locally extremely high magnetic Reynolds Numbers are possible
Rem ∼ 1010 (Roediger et al., 2013). A high magnetic Reynolds number, but low normal
Reynolds number would yield a high Prandtl number (equation 47), which allows the
magnetic field to grow efficiently on the very small scales. In our simulation, Pm ≈ 1, as
both, numerical resistivity and viscosity are dependent on the cell sizes, which makes our
setup very different to reality. Nevertheless, the fact that the growth rates in the radiative
run are resolution independent shows that the effect of limited resolution on developing a
sufficient dynamo, can be circumvented.

Now we compare our simulation against the findings of other groups that perform similar
simulations. Marinacci et al. (2015) have a setup similar to ours, only that they analyse a
cosmological box, instead of a zoom-in simulation. They run cosmological MHD simulations,
where they compare an adiabatic run to a run, where they include radiative physics.
They also perform the simulation for 2 different resolution levels. (As they performed the
simulation almost 10 years ago though, their cosmological box is smaller by a factor of
10, only 100/h Mpc. Also for their complete simulation box, they have a resolution of
2563 and 5123 particles, while we have 4253 particles in the high resolution region only.
Their resolution would correspond to a zoom5 in our simulation.). It is to be noted that
they investigate the magnetic field in the whole cosmological box and not only in selected
halos. They find the strongest magnetic field to be 100µG in the radiative run in the high
density regions. This roughly coincides with the values in our star forming regions. In
their non-radiative run, they only reach field strengths of 10−2µG, which is three orders of
magnitude below what we find in our non-radiative run. This shows how highly resolution
dependent the growth of the magnetic field by (potentially) only the dynamo acting in
the ICM is. They find that the magnetic field evolution at high redshift is very similar
in both runs and is dominated by the expansion of the universe. While we also see the
main effects in the early phase caused by the expansion of the universe, our radiative and
non-radiative runs differ. In the radiative run, we see a dilution of the magnetic field on
top of the effects of expansion, which is potentially caused by UV heating or primordial
heating (as discussed in section 3.3.3). In the simulations of Marinacci et al. (2015), their
magnetic field amplification for both setups starts at z ≈ 3, where structure formation
begins and injects turbulence. In our case, the collapse of the protocluster (coming with an
increase of the magnetic field) is happening already at z = 9.5, the first main merger that
inject turbulence occurs at z = 4.5, which is also earlier, compared to their simulation.
These differences could be explained with the fact that we are looking at one of the most
massive halos from our simulation (that collapses early and experiences lots of mergers),
while they make statements about their whole cosmological box. The same explanations
also hold, regarding their findings that the magnetic field is saturated at z = 2 in the
radiative run, while our magnetic field in the radiative run is saturated already at z = 3.5.
In their non-radiative run, their magnetic field is not saturated at z = 0, while this
happens at z = 1 in our case. This shows again the resolution dependence of the dynamo
efficiency in case of neglecting radiative physics. Their growth rates are Γ = 0.14Gyr−1

in the lower resolution radiative run and Γ = 0.23Gyr−1 in the high resolution radiative
run. The growth rate in our radiative simulation was found to be Γ ≈ 14Gyr−1, which is
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about a factor of 60 higher. Reason is the lower resolution as well as the fact that they
are looking at the whole cosmological box, while we are looking at a massive halo with a
better resolution and where lots of radiative physics actually take place (this is not the
case in cosmological voids for example).

Roh et al. (2019) simulate an isolated cluster without radiative physics. Interactions with
the environment are computed separately and inforced. They have the same resolution,
compared to our zoom12 run with 10243 particles. They find that a dynamo can amplify
small seed fields to ∼ µG within approximately the age of the universe. This is slower,
compared to our findings in the non-radiative run, where our field is saturated already at
z = 1. Important here is to keep in mind that they do not simulate mergers (which are
the main reason for turbulence injection). As they have even smaller cell sizes, compared
to our non-radiative run (they have constant cell sizes of 3.9kpc), a possible explanation
would be that they underestimate the amount of turbulence that merger would inject.
They find 2 exponential growth regimes: the first one at an age of 0 − 0.5Gyrs and the
second one at an age of 0.5 − 5Gyrs. This is corresponding to our findings that there
are two different growth phases in the non-radiative run. While the origin of those two
different phases remains unknown in Roh et al. (2019), our assumption is that it is caused
by the two different kinds of mergers. Their first phase has a higher exponent, compared
to the second growth phase though, while it is vice versa in our case. They fit a growth
rate to the second phase and find a rate of Γ = 0.6Gyr−1 which is comparable to our
zoom8 run growth rate.

Vazza et al. (2018) perform a zoom-in on a galaxy cluster within a cosmological simulation.
They do not include radiative physics. They find at z = 0 fields of ∼ 2µG within the inner
Mpc3 and a maximum value of ∼ 10µG, which is comparable to our findings if we exclude
the star forming regions. The magnetic field in the simulations of Vazza et al. (2018)
starts to grow exponentially in the non-linear phase of the dynamo. They highlight the
importance of the Reynolds number that they can resolve, as the non-linear phase can
start earlier with a higher Reynolds number. They find a minimum Reynolds number of
Re ≈ 380 and a maximum Reynolds number of Re ≈ 1100, dependent on the resolution.
Though they reach higher Reynolds numbers, their magnetic field is saturated only at
z ≈ 0.01. They are not looking at the magnetic field in units of the virial radius that
gets larger with time, but within a fixed physical volume, which could explain the low
saturation redshift.

Steinwandel et al. (2022) perform a cosmological, non-radiative simulation. They find an
exponential growth from the initial seed field value between 2 < z < 4 to a value of 0.5µG
in their low resolution run. They find differences for the high resolution runs. There, the
magnetic field in the cluster peaks at around redshift z = 2 with a field strength of a few
µG, after which the field strength decreases again and settles to 1 − 2µG at z = 0 within
the whole virial radius. They fit growth rates of Γ = 0.7Gyr−1 to the low resolution run
and Γ = 0.15Gyr−1 to the high resolution run. They explain this with an unresolved and
not properly working dynamo in the low resolution run. Interestingly, their exponential
growth phase between 2 < z < 4 is redshift-coinciding with our first exponential growth
phase. Though their cluster has a comparable mass to our cluster of 2 · 1015M⊙, we
reach higher growth rates and we also do not see the decrease of the magnetic field at low
redshifts.

We also compare our initial seed field of comoving B0 = 10−14G to other people’s simulations.
Vazza et al. (2018), who perform non-radiative simulations, test different seed fields of
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comoving 10−10G and 3 · 10−11G and find that the initial seed field does not have an
impact on the further evolution. They state thought hat initial fields below comoving
3 · 10−11G yield non-reliable results. Roh et al. (2019) test different initial magnetic field
values of physical 10−4 − 10−9G and find that this yields different growth rates. The
radiative simulations in Marinacci et al. (2015) explore using different seed fields and find
that, at the beginning it plays a big role, but then they all catch up to reach the same
field strengths. They test field strengths of comoving B = 10−16 − 10−10G. We do not
test different seed fields, but the conclusion is that it would not have big effects, at least
in the radiative run.

But the discussion above shows that the initial seed field can have an influence on the
growth rate in non-radiative simulations. An interesting way to view this is that the
galaxies can lose their high magnetic field gas to the ICM, where it serves as higher initial
magnetic seed field for a turbulent dynamo, enabling higher growth rates overall in the
ICM. This could erase the effects that the original seed field has and explain the observed
non-dependence of the seed field on the growth rate in the radiative run. Vazza et al.
(2018) and Marinacci et al. (2015) make the same observations. In this context, also
looking at the two grow regimes in our non-radiative run in figure 15 from 4.5 < z < 2
and 2 < z < is interesting. Here, the exponential growth takes place (presumably caused
by the dynamo). The first growth phase acts in such a way that it amplifies the magnetic
field that it serves as giving a high seed field to the dynamo acting in the second phase.
This could explain the increased exponent in the second growth phase.

We also compare our findings to the literature on magnetic field evolution in simulations of
galaxies. As, in the radiative run, the magnetic field in the ICM is influenced by the high
and fast evolving magnetic field in the galaxies, this is an indicator that we can also resolve
the dynamo in our galaxies. A general remark is that our galaxies are within a galaxy
cluster within a cosmological simulation, while simulations of galactic dynamos are mostly
simulated in isolation. This yields a high difference in the resolution that we can afford.
Pakmor et al. (2017) perform a cosmological zoom-in simulation of a galaxy. They find that
the magnetic fields grows exponentially at early times due to the turbulent dynamo. They
find a saturation around 2 < z < 3 with a typical strength of 10-50µG. Our galaxies reach a
constant magnetic field slightly earlier z = 3.5, but saturate at lower values ≈ 20µG. Gent
et al. (2023) solve the system of non ideal, compressible, non-adiabatic MHD equations
with a model for SN-driven turbulence. They find an exponential growth within the first
100 Myrs and a saturation afterwards. They find resolution dependent growth rates of
529−475Gyr−1. This is much higher, compared to our growth rates in the galaxies (higher
by a factor of ∼ 500, but expected, as they can resolve cells at the pc scale). Pfrommer
et al. (2022) simulate a galaxy where turbulence is injected via rotational body modes.
They find saturation times of 0.3 Gyr for their higher mass halo and 1.5 Gyr for their
lower mass halo. They measure exponential growth rates of Γ = 22.4, 39.8, 48.0Gyr−1 for
their low mass, intermediate mass and high mass galaxy. Comparable to our results, they
also find that the magnetic field is first amplified via adiabatic compression and then a
structure formation shock gives rise to the first dynamo. Later, turbulence gives rise to
multiple dynamos acting on top of each other. Liu et al. (2022) also resolve a galactic
dynamo. They find that strong galactic outflows enrich the intergalactic medium with its
high magnetic field gas, which presumably is also the case in our radiative simulation.

Preprocessing

In figure 17, we have shown how merging substructures bring their already pre-enriched
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gas to add it to the ICM. This process is referred to as ’preprocessing’ (Hasan et al.,
2023). There are different processes that can remove gas from galaxies. These include
ram pressure stripping and galactic winds. Substructures that merge into the cluster were
parts of other halos before the merger. In these halos, galaxies can already be quenched.
Thus, the merging substructures add their pre-enriched gas to the cluster while merging.
Galaxy clusters sit as knots in the cosmic web. They are the connection points of the
filamentary structures. The density near the knots is higher in general. The high densities
make galaxies within these environments easily subjects to ram pressure stripping (we
discss this in more detail in section 3.8.1). Galaxies near clusters show a higher fraction
of quenched gas, compared to field galaxies (A. Hou et al., 2014).

For high mass clusters (Mcl > 1014.5M⊙), the merging substructures consist predominantly
of lower mass clusters, rather than single galaxies. In these merging subclusters, ram
pressure stripping is very effective. For high mass clusters at low redshifts, most infalling
galaxies (80 %) are therefore already stripped. The merging subclusters add their pre-enriched
gas to the final cluster. The central AGN of the final cluster can also influence the gas
stripping by heating the ICM in the cluster: galaxies at high virial radii (R > 2 − 3R200)
can lose their gas through interactions with the hot ICM (Martín-Navarro et al., 2019;
Hasan et al., 2023). This is especially affecting low mass galaxies. For high mass galaxies,
also their own central AGN can cause the quenching via strong galactic winds at low
redshifts (Donnari et al., 2021). Major dependence of the environment on the state of the
preprocessing seems to only play a larger role at lower redshifts (z < 2) though, where
AGN feedback and merging of larger substructures becomes relevant (Hasan et al., 2023).
However, we also see the effects of pre-enrichment in our simulated cluster. This shows
how important it is to also simulate environmental effects, such as mergers and also the
evolution of the merging objects.

Marinacci et al. (2015) who also perform a radiative cosmological simulation find that
more massive halos contain a stronger magnetic field. They explain this with the fact
that the most massive halos experience the most amount of mergers. These not only add
more turbulence (which would be also applicable to the non-radiative run), but also the
merging substructures add already boosted seed fields to the cluster, where the dynamo
can work on top. In the merging substructures, the large seed fields can be reached due
to gas compression and cooling. They are transported outwards by galactic feedback.

The conclusion is that pre-enrichment of merging substructures is also a relevant effect
in our simulation. Especially at later times, our cluster grows together with the already
highly magnetic field enriched gas of the merging objects. In order to simulate these
effects, it is important to consider also the neighborhood of a simulated galaxy cluster.

3.4 Enstrophy Evolution with Time

The magnetic field evolution is tightly coupled to the turbulence evolution in the ICM (see
section 2.3.3 about the small-scale dynamo). Turbulent kinetic energy can be converted
into magnetic energy. In figure 18, we show the enstrophy evolution with redshift in the
ICM. Enstrophy is a proxy for turbulence (see equation 23). We show the enstrophy
evolution for the radiative run on the left and the evolution in the non-radiative run on
the right. The different radial bins are indicated with the color scheme. We exclude
the star forming regions in order to show only the enstrophy in the ICM. The merger at
z = 4.5 and z = 2 that we identified in section 3.3.4 are indicated with the black vertical
lines. Overall, the enstrophy is not higher in the ICM of the radiative run. The fact that
there is turbulence, shows that a small-scale dynamo can potentially act in the ICM of
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our simulated cluster.

After the collapse of the protocluster at z = 9.5, the enstrophy curve shows a sudden rise,
when the collapse and structure formation shock injects a high amount of turbulence in
both runs. Afterwards, the amount of turbulence remains approximately at the same level
(see figure A.6 which shows a zoom-in on figure 18). Mergers constantly occur and inject
new turbulent motions, as discussed in section 3.3.5. After merger 1 and merger 2, there is
a small rise in the enstrophy curves. Interestingly, the enstrophy is highest for the central
bin. This can be due to the following numerical effect. In order to compute the enstrophy,
we compute the curl of the velocity field. This yields smaller values for bigger cells that
are more likely to be found in the outskirts. In the center, the densities are highest (see
section 3.2) and thus the cells are the smallest, which can yield high enstrophy values,
if there is turbulence in the center. The conclusion is that the amount of turbulence in
the radiative run is in general not higher, compared to the non-radiative run. The high
magnetic field gas that is produced in the galaxies though can act as adding higher seed
fields for a dynamo (as discussed in section 3.3.6). This could explain the steeper rise of
the magnetic field values (as shown in figure 15) in the radiative run, despite that it does
not have a higher amount of turbulence in the ICM. Multiple dynamos with high initial
fields, acting on top of each other can explain this observation.

Comparing the radiative and the non-radiative run, we see that the most central bin shows
a higher level of turbulence in the radiative run at high redshift 9.5 < z < 2. At these high
redshift, turbulence in the center is dominated by SN that explode in the BCG. The central
enstrophy increase in the time between the collapse and the first merger, 9.5 < z < 4.5
coincides with a central steep increase of the magnetic field strength in the center (see
the bump in figure 15). The conclusion is that strong magnetic fields are generated in the
BCG, where it is affected by cooling (higher densities) and a high amount of turbulence.
This makes a dynamo act very efficiently. The small eddy turnover rates in the center,
associated to turbulent small cells, can enable a fast growth of the magnetic field. The
high magnetic field gas escapes the BCG to pollute the central ICM. It can use the already
pre-enriched high magnetic field gas as high initial field values. The AGN is unlikely to
add a high amount of turbulence at these high redshift. At this time, the central AGN is
in quasar mode (see figure A.3) and adds energy in form of radiation to surrounding cells,
rather than turbulence that also acts at larger radii.

At the beginning of the simulation, z > 9.5, the enstrophy in the radiative and in the
non-radiative run behaves differently. In the radiative run, the enstrophy stays constant.
In the non-radiative run, the simulation starts with an initially higher value and decreases.
This could be associated to the magnetic field strength also behaving differently in the
radiative and non-radiative run, at this time. This needs to be investigated further.

Although the central AGN is in radio mode at later redshifts (see figure A.3), figure 18
shows that the level of enstrophy is not enhanced in the radiative run, not even in the
central bin.

3.4.1 Discussion

Turbulence in the ICM is not well understood, which makes it complicated to compare our
findings to observational counterparts (Rudnick, 2019). Especially high redshift observations
(the steep magnetic field amplification in the radiative run happens at 9.5 < z < 3.5) of
turbulence in the ICM are currently not possible to take. Thus, we compare our findings to
the findings of other people’s simulations. A general remark on the resolution dependence
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Figure 18: The mass weighted enstrophy evolution with time (see equation 23). We show
different radial bins in units of the virial radius R200(z), indicated with the color scheme.
The radiative run is shown on the left and the non-radiative run is shown on the right. The
star forming regions are excluded from the ICM. Before the collapse of the protocluster
at z = 9.5, we use the complete high resolution region to compute the enstrophy.

of turbulence is that turbulence is a multi scale problem, ranging from the injection scales
(which can be at the order of the virial radius in case of larger merger) to the viscous
scales (which in our inviscous simulations are determined by the cell sizes). Thus, high
resolution regions (such as in the center of the cluster, where the density is high) are able
to better resolve small scale turbulence. Physically, we can justify this with the fact that
outer scale turbulence is driven by merger, that have a large scale anyways and where a
worse resolution, compared to the high density regions, is still able to resolve the large
scale turbulence properly. Larger cells come wih a higher amount of numerical viscosity
(see equation 54). Also this is justified physically, as viscosity in low density regions is
also higher, because of the larger particle mean free path (equation 8).

Bennett & Sijacki (2022) suggest, that merger inject the biggest amount of turbulence to
the ICM, compared to oher contributors, such as AGN or stellar feedback. They perform
simulations and find, that infalling substructures add a large amount of turbulence. This
turbulence is created in the wake of the shocks. Also Cassano & Brunetti (2005) and
Biffi et al. (2022) investigate the effect of mergers on creating turbulence and have similar
findings. Additionally, they find, that the fraction of injected turbulence is highest for the
largest clusters (as they experience more mergers). This is matching with our findings
that structure formation processes are the main reason for turbulence in the ICM. As the
cluster that we analyse here is the fifth most massive one from our simulation, we assume
that , if we were to simulate a lower mass cluster, the enstrophy would probably be lower,
as they also experience less mergers.

It is under debate how much of the AGN energy can be converted into turbulent kinetic
energy. Hitomi Collaboration (2016) used X-ray observations of the center of the Perseus
cluster to find that only 4 % of the internal energy of bubbles injected by radio mode AGN
is converted to turbulent kinetic energy. Zhang, Zhuravleva, et al. (2022), who study
simulations, in contrast find that about 50 % of the AGN energy can be injected into
turbulence. Comparing this to our findings, we don’t see an enhanced level of enstrophy
(which is a proxy for turbulence) in the central ICM at lower redshifts. This is comparable
to the findings of Hitomi Collaboration (2016), who also see a low level of turbulence in
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the center of Perseus cluster. The high efficiency of internal energy of AGN bubbles to
be converted into turbulent energy, found by Zhang, Zhuravleva, et al. (2022) could be
explained by looking at how turbulence is inferred from observations (turbulence in form
of solenoidal, bulk and compressible motions) and how it is injected in simulations (often
explicitly injected in solenoidal form).

The Hitomi Collaboration (2016) and Zhang, Zhuravleva, et al. (2022) state, that the
turbulence can spread over the whole ICM and mix ICM from the central regions with
intermediate region ICM. The AGN, galaxies and merger induced turbulence can start to
interact. The peak of the turbulence is still in the outskirts though, where it is associated
to merger. In the context of this thesis, this is interesting as turbulence can mix the high
magnetic field gas, that is first created in the center, with lower magnetic field ICM that is
located at higher radii. Thus, turbulence can serve as a mechanism to grow a, on cluster
scales, more homogeneous and stronger magnetic field.

Wittor et al. (2017) also investigate the enstrophy evolution in a simulated ICM. They trace
the effects of single encounters by injecting tracer particles into merging substructures.
Their simulated clusters are in the mass range of 0.5-3.3 · 1014M⊙, roughly one order of
magnitude less compared to the cluster, we analyse in this thesis. They only study the
enstrophy evolution for 0 < z < 1. Similar to our findings, they find a mean enstrophy
level of 10−32s−2 in the cluster and excesses from this, after mergers occur. This is lower
by roughly one order of magnitude, compared to our findings. This difference is not
unexpected as larger clusters experience more mergers, which drives more turbulence.
Wittor et al. (2017) find that peaks in enstrophy appear corresponding to merger. Very
high peaks are caused by major mergers or by turbulence that is interacting with each
other (tracer particles from different substructures meet). Comparing this to our findings,
it explains the, in general, slightly higher level of enstrophy in our cluster. Mergers occur
frequently (see section 3.3.5) and turbulence injected by an earlier merger can interact
with turbulence injected by a merger at later times. Wittor et al. (2017) also study the
ability of turbulence to be converted into magnetic energy (we study this in more detail
in section 3.7). They emphasize that the magnetic field growth becomes slower soon after
the turbulence subsides. The reason is that magnetic field dissipation starts to set in, as
soon as there is no new energy supply. Comparing this to our findings that the magnetic
field does not decay, shows that a high level of turbulence, caused by merger, can help to
sustain a magnetic field. Vallés-Pérez et al. (2021) have comparable findings.

Valdarnini (2019) study the turbulence in a setup, similar to ours. They simulate radiative
and non-radiative clusters. Matching with other findings, as mentioned above, they find
that the largest amount of turbulence is injected by merger. Also matching is that they
find that a higher amount of turbulence is associated to a higher merger rate and thus
to higher mass clusters. What is interesting in their findings is the scale-separation of
turbulence. For the non-radiative clusters, they find an excess of the turbulent energy at
small wavenumber scales, close to the injection scale. For their radiative run, they find
that a large fraction of the total power is at the smallest scales. They attribute this to the
development of a dense core (caused by cooling). The core can interact with surrounding
turbulence and triggers gas instabilities that, in return cause turbulence in the dense core
region. Comparing this to our findings, we also see an enhanced level of turbulence in
the center in the radiative run. We associate this to star formation triggered turbulence
though (we investigate this further in section 3.8.2). We do not perform a power spectrum
analysis and it is unclear if we can develop instabilities caused by turbulent interactions
with a cold core.
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A general remark is that enstrophy is not an ideal measure for turbulence. The values
are biased towards the denser regions. Also flow- and bulk motions will be considered. In
general, the eddy turnover times are dependent on the eddy sizes, which we cannot directly
monitor. A more sophisticated way to study the turbulence in rotational form is to use a
filtering technique, similar to Valdarnini (2019), where they consider different coherence
lengths of the velocity field. Apart from that, not only solenoidal motions are responsible
for amplifying magnetic fields. Schober et al. (2013) state that also compressible motions
can amplify magnetic fields, which we do not consider at all in our analysis.

3.5 Magnetic Field and Metallicity Radial Profiles

Metals in the ICM are a tracer for stellar activities in galaxies, such as SN induced
turbulence. As shown in figure 15, galaxies grow a stronger magnetic field in a shorter
period of time. Especially at high redshift 9.5 > z > 4.5, the magnetic field evolution
in the radiative run is dominated by the center (as discussed in section 3.3), where the
BCG is active. We compare radial magnetic field profiles against metallicity profiles for
different redshifts in figure 19. Additionally, we compare the magnetic field profiles in the
radiative and non-radiative run.

We start by comparing the magnetic field radial profiles in the radiative run (upper panel)
to the non-radiative ones (lower panel). At z = 0, both profiles are very similar. The
progenitor evolution of the radial magnetic field differs among the two simulations though.
In the non-radiative simulation, the magnetic field strength rises smoothly and almost
homogeneous at all radii and across the whole redshift range. This picture is different
in the radiative simulation. At higher redshift, there is a steep gradient in the radial
magnetic field profile. First, the magnetic field rises steeply in the center, but stays rather
low at the outer radii. Then, at redshifts 4 > z > 2, the radial distribution becomes
more smooth: the central values at these redshifts overshoot the central values at z = 0,
but also in the outskirts, the magnetic field strength is higher. Then, towards z = 0, the
central values decrease again, while the values in the outskirts stay constant. The radial
profile stays constant for the two latest redshift calculations z = 1 and z = 0.

Now we compare the radiative magnetic field profiles to the metallicity profiles. Both show
a similar morphology change with redshift. Also the metallicity profiles first reach very
high values in the center, such that the higher redshifts overshoot the profile in the center
at z = 0. Towards lower redshift, the metallicity in the outskirts rises at the expense of the
central metallicity, which decreases. Also here, there is no evolution between the last two
redshifts. What is the physical explanation for this? At high redshift, the BCG has a high
SN rate. This pollutes the central regions with metals. It also injects turbulence to the
central ICM, that can be converted into magnetic energy. Additionally, larger merger that
start to occur frequently from z = 4.5 on, add a high amount of turbulence to the ICM
that mixes the gas from the center with higher radii gas (as discussed in section 3.4.1).
This lowers the high central values and increases the values at larger radii. Merger not
only mix the ICM, they also grow the cluster with their already metal and magnetic field
pre-enriched gas (see section 3.3.5). The similarity between the metallicity and magnetic
field profile emphasizes how closely related the magnetic field growth in the ICM is to
galactic activity. The scatter at larger radii in the magnetic field and metallicity profiles
in the radiative run is due to the accretion of substructures that are already pre-eriched.
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Figure 19: The volume averaged root mean square magnetic field strength as a function
of radius (left panel) for the radiative (upper panel) and the non-radiative (lower panel)
run. On the right, we show the mass weighted metallicity profiles. We show the profiles
for 9 different redshift.

3.5.1 Discussion

For the metallicity, it is hard to compare our findings against observations, as this would
require a high resolution spectral observation of the ICM. Simionescu et al. (2008) present
an observation of the BCG (M87) of the Virgo cluster. In the galaxy, they find that
the center is more enriched with metals, compared to the outer radii. Overall, the metal
content in the galaxy is quite high (slightly more than solar metallicity; see their figure
10). Also beyond the half mass radius, the metal fraction is high and only decreases
slowly. Simionescu et al. (2008) associate the metal spread to AGN activity, where radio
lobes carry the high metallicity galactic gas to the surrounding ICM. Comparing this to
our findings, we emphasize that we are looking at the high redshift regime 9.5 > z > 4.5,
where we associate the metallicity and magnetic field enrichment to the central galaxy. In
this redshift regime, we associate the mixing of high metallicity gas from the BCG to the
central ICM to SN explosions that can cause galactic winds that drive out the gas. The
AGN is not in the radio mode at these high redshift (see figure A.3) and cannot inject
radio bubbles.

We compare our metallicity profile findings to the findings of other simulations. Vogelsberger
et al. (2018) perform simulations of the ICM, where they analyse the metal content and its
origin. Their galaxy formation module is very similar to ours, only that they treat their
wind particles and AGN bubbles slightly different. They find that, at higher redshift,
there is a steep gradient in the metallicity profiles. This is due to the contribution of
high mass star SN in the center. Later, the radial metallicity distribution becomes more
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homogeneous. Especially the outer profile becomes more flat. They attribute this to SN of
lower mass stars that are occurring at all radii in the cluster. They find that, from z = 2
on, the metallicity profile does not change anymore. They attribute this to mergers that
add pre-enriched gas to the ICM. This gas has approximately the same metallicity like the
ICM in the main cluster. Comparing this to our findings, we see exactly the same radial
metallicity morphology evolution with redshift. We also associate the high metal content
in the center at high redshift to the SN in the central galaxies. In contrast to our findings
though, Vogelsberger et al. (2018) associate the flattening of the metallicity profiles at
lower redshift to the ongoing activity of lower mass star SN. We do not trace the feedback
of SN and can therefore not verify or deny this definitely. So far, we addressed this to
the activity of mergers , that mix central and high radii ICM. There are arguments for
both sides (SN and mergers). We justify the merger hypothesis with four arguments. 1)
the frequent merger activity and the induced metal enrichment due to pre-processing (see
section ??). 2) the large amount of injected turbulence after a merger (see section 3.4)
that can mix central ICM with ICM at larger radii. 3) the positive correlation between
magnetic field strength and metallicity in the ICM, appearing at lower redshift (z <= 2)
(see figure 20c, we discuss this later in section 3.6.3). 4) the comparably low high mass
star SN activity at lower redshift (z <= 2) (see figure 26, we discuss this later in section
3.8.2). These indicators point towards the picture that mergers dilute the central high
metallicity values. On the other hand, figure 26 shows that there is still some high mass
star SN activity going on at lower redshift. Additionally, figure 26 only shows the relative
abundance of the lhigh mass star SN (local wind,as discussed in section 2.4.3). For the
non-local feedback, caused by lower mass stars, there is a time delay function (as was
discussed in section 2.4.3). Vogelsberger et al. (2018) use a similar stellar evolution and
feedback model, compared to ours. It is possible thus, that lower mass star SN contribute
to the flattening of the metallicity profile.

Also Fabjan et al. (2010) investigate the metal distribution in simulations of the ICM,
including AGN and SN feedback. They find that AGN feedback reduces the stellar
feedback for z < 4 in the BCG. They also find a homogeneous metal distribution at
lower redshift. They associate this though to AGN activity that can occur at all radii and
remove high metallicity gas from galaxies. Comparing this to our findings, we also see a
decrease in the central metallicity profiles from z ∼ 4 on. This adds to the discussion in the
previous paragraph. AGN feedback (according to Fabjan et al. 2010), low mass star SN
(according to Vogelsberger et al. (2018)) or merger activity (as discussed in section 3.4.1)
can cause the homogeneous metal distribution at lower redshift as a function of radius.
However, the AGN and SN hypothesis would come with an increased level of turbulence
at all radii, compared to the non-radiative simulation, which wo do not see (as shown in
figure 18). Nevertheless, we would need to investigate the origin of these metals in detail
in order to make more sophisticated statements..

A general remark is that SN, as well as AGN feedback are highly dependent on the
underlying subgrid models. The stellar formation model is biased, as, for example we
do not resolve single stars, but single stellar populations instead. The SN rate of low
mass stars is basically unknown in such a single stellar population. Also, our galaxy
formation module uses the same IMF throughout the whole simulation. A more realistic
setup would take into account the evolution in the star formation with time (as discussed
in section 2.4.2). Regarding the AGN module, the exact physics behind AGN feedback is
not well understood yet. Often, star formation and AGN modules are set up such that
they reproduce specific observables (in our case, the AGN module to solve the cooling flow
problem in galaxy clusters, see Heinrich et al. 2021; the stellar formation module is set up
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such that is reproduces the metal content in nearby galaxies as discussed in section 2.4.2).
Especially at high redshift, these modules come with a high degree of uncertainty.

3.6 Magnetic Field Phase Space Diagrams

The magnetic field evolution is highly dependent on the plasma density, as well as on
the amount of enstrophy (as discussed in sections 2.2.3 and 2.3.3). In section 3.3 we
find that the magnetic field growth in the ICM is tightly correlated with the magnetic
field evolution in the star forming regions. We want to answer the following questions:
what influences the magnetic field growth in the galaxies? What influences the magnetic
field growth in the ICM? To answer these questions, we analyse the magnetic field, mass
weighted histograms in figure 20. We show a density-magnetic field phase space diagram,
an enstrophy-magnetic field phase space diagram and a metallicity-magnetic field phase
space diagram. We show four different redshifts: z = 6.2, 4.0, 2.0, 0.0 to indicate: first,
z = 6.2 as the redshift between the collapse of the protocluster and merger1. At which, in
the radiative run, the magnetic field grows in the central galaxy, while the non-radiative
run magnetic field remains constant. Secondary, z = 4.0 as the redshift between merger1
and merger2. Here, in the radiative run, the magnetic field rises exponentially and in
the non-radiative run, the magnetic field experiences its first exponential growth phase.
Then, z = 2.0 as the redshift after the second merger. There, in the radiative run,
the magnetic field is saturated and in the non-radiative run, it experiences the second
exponential growth. Last, z = 0.0 as the redshift, where both simulations, radiative and
non-radiative, are in the saturated regime. The color schemes indicate the mass, contained
within each bin over the total mass of gas in the cluster over the area of the diagram. The
star forming regions are indicated with red density contour lines. There is a cut-off at
the lower densities of the star forming regions in the density-magnetic field phase space
diagram in figure 20a. This is because of the density threshold that determines, if a cell
is labeled as star forming or not (as discussed in section 2.4.3).

3.6.1 Magnetic Field - Density Phase Space Diagrams

We start with analysing the magnetic field-density phase space diagram in figure 20a. We
show histograms for the radiative run in the upper row and for the non-radiative run in the
lower row. We compare against the relation for adiabatic compression B ∝ ρ2/3 (equation
16) and the relation indicating a self-gravitating system with a saturated dynamo scaling
B ∝ ρ1/2 (equation 52), shown as black, dashed lines. In the radiative run, the ICM
deviates from the adiabatic compression scaling already at z = 6.2. Large parts of the
ICM are star forming. The star forming regions sit at the high magnetic field and high
density end. The star forming regions and the ICM close to them in the histogram seem
to follow the same power law: it is steeper, compared to the 2/3 scaling. Only the low
magnetic field and low density end deviates a bit. It comes with slightly lower magnetic
field values. Speaking in physical terms, it confirms the picture that we have: the magnetic
field growth is dominated by the star forming regions in the center. These pollute the
surrounding ICM. The high magnetic field gas can expand into the virial radius R200,
where the field strengths decrease with increasing radius. The low magnetic field, low
density end, that contains a large fraction of the total mass (indicated with the yellowish
color) is presumably ICM that did not interact with the star forming region gas yet. It
is to be kept in mind that the plasma in the center is still subject to compression caused
by gravity and cooling (independent on dynamo action). Looking at the non-radiative
run for z = 6.2, the distribution of cells spans a more narrow region in the phase space
diagram. It follows roughly the 2/3 scaling, indicating that the plasma is mainly affected
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by adiabatic compression.

In the radiative, z = 4.0 panel, the lower end of the distribution follows roughly the 2/3

(a) Magnetic field-density mass weighted histogram. We indicate the adiabatic compression
relation B ∝ ρ2/3 (equation 16) and the relation indicating a self-gravitating system with a
saturated dynamo scaling B ∝ ρ1/2 (equation 52 from S. Xu & Lazarian 2020) with black, dashed
lines.

(b) Magnetic field-enstrophy mass weighted histogram.
Figure 20
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(c) Magnetic field, metallicity mass weighted histogram for the radiative run.
Figure 20: Magnetic field mass weighted density histograms. We show the density (figure
a), the enstrophy (figure b) and the metallicity (figure c). We show 4 different redshifts:
z = 6.2, 4.0, 2.0, 0.0. We show the star forming regions, indicated with red density contour
lines. Light colors correspond to high densities and darker colors to less dense regions.

scaling. The remaining cells are separated into two different distributions: one that is
following approximately the power law from the z = 6.2 distribution and the other one
following a steeper power law. The star forming regions cover the high magnetic field ends
of both distributions, interestingly. A high fraction of the mass is sitting at the fork to
these two branches. A physical interpretation is that the magnetic field in most parts of the
ICM grows non-adiabatically. The highest magnetic field values are presumably reached
in the central galaxy. The strong density dependence is not so pronounced anymore.
It looks like there are different effects overlying, each coming with a different density
scaling. We can make assumptions: the star forming regions are split into these 2 different
distributions. One is presumably the central galaxy. The other one consists of presumably
galaxies that just entered the cluster. While the central galaxy has formed already very
early and has already experienced non-adiabatic magnetic field growth, the newly entered
galaxies start to undergo the same process that grows the magnetic field in the central
galaxy in the z = 6.2 plot. This would explain the similar densities, but different magnetic
field strengths in the star forming regions. The strong magnetic field gas from the star
forming regions can expand from the galaxies and get mixed with the ICM. Additionally,
a dynamo acting in the ICM can further amplify the magnetic field, as at z = 4.5 the first
larger merger occurs.

In non-radiative, z = 4.0 panel, we see how the distribution slowly starts to deviate from
the B ∝ ρ2/3 scaling. At this redshift, the ICM in the non-radiative run experiences its
first growth phase. This is corresponding to an steeper scaling of the magnetic field with
the density. Presumably, this is how the dynamo manifests. Again, the distribution covers
a more narrow area in the histogram, compared to the radiative run. This is because of the
lack of cooling that would allow for lower densities. Another reason is that, in contrast to
the radiative run, there is only one channel that allows the magnetic field to grow (namely
the dynamo).

Now we analyse the radiative z = 2 panel. The lower end still follows approximately the
indicated adiabatic compression scaling. The lower density regions could be part of gas
inside merging substructures, with a low amount of turbulence, such that the magnetic
field could not grow strong in these substructures. In most parts of the ICM though, the
magnetic field grows independent on density. This stretches over the complete low density
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region, where the magnetic field rises almost vertically. The regions with the highest
magnetic field strengths, vaguely follow the B ∝ ρ1/2 scaling, indicating a saturated
dynamo. At z = 2, the magnetic field in the radiative run is in the saturated regime
(see figure 15). A physical interpretation is that multiple galaxies, by now have grown
their own strong magnetic field. These are in different stages of polluting the ICM with
their gas. While some have already ejected gas at earlier times, others just start doing
so. These galaxies can sit at any distances from the center. This makes the gas mixing
and the resulting magnetic field strengths in the ICM very different. Apart from that, the
cluster has experienced two major mergers so far that can mix gas with different densities
and magnetic field strengths.

We analyse the z = 2 panel for the non-radiative run. Here, we can see how (presumably)
different dynamos (in different stages) act on top of each other. Each comes with a different
density scaling. The (presumably) dynamos are probably caused by merger1 and merger2.
At this redshift, the magnetic field in the non-radiative run experiences its second growth
phase (see figure 15). It manifests via a steeper scaling with the density, compared to
the z = 4.0 panel. It is interesting that both distributions, in the radiative and in the
non-radiative run, follow on the low magnetic field end the adiabatic compression relation.

In the radiative, z = 0 panel, the contribution from adiabatic compression completely
vanishes. The distribution roughly follows the B ∝ ρ1/2 scaling, indicating a saturated
dynamo in the ICM at this redshift. At the low densities, there is a small bump below the
B ∝ ρ1/2 scaling at lower magnetic field strengths. This could be attributed to regions in
the outskirts that are not yet fully saturated. In the non-radiative run, most of the mass is
also following the B ∝ ρ1/2 scaling. There is a large contribution from a weaker magnetic
field distribution that is covering the whole density range though. It would be interesting
to check, whether this contribution will disappear if we let the simulation run for longer
time, or whether it will remain. If latter is the case, it could mean that the magnetic field
decays faster than it can be generated in some areas. The low magnetic field distribution
covers the whole density range though (so this would regard areas in the center and at the
outskirts), which is interesting.

3.6.2 Magnetic Field - Enstrophy Phase Space Diagrams

Now we analyse the magnetic field-enstrophy phase space diagram, shown in figure 20b. In
the non-radiative run, the distribution does not change much across the different redshifts.
It becomes a bit more dynamical and spans over a larger area. This happens approximately
symmetrically around the initial distribution at z = 6.2. Mergers inject turbulence.
Turbulence, on the other hand decays very fast, as it is turned into heat or magnetic
energy. This could explain the range in the enstrophy distribution that grows with time
(and merger activity, presumably). Overall, there is no correlation between the magnetic
field and the enstrophy.

How is this matching with the theory that a dynamo is acting in the ICM and converts
turbulent energy (where we use enstrophy as proxy for turbulence) into magnetic energy?
First of all, the level of enstrophy in the ICM is high in general (as discussed in section
3.4). Regions with a high magnetic field are turbulent, as well as regions with a low
magnetic field. Secondary, turbulence is not turned to magnetic energy instantaneously.
There is a time delay that spans over the time between the injection of turbulence to
the time, the magnetic field is amplified efficiently. Turbulence on the injection scales
decays to the viscous scales. Turbulence at all scales amplifies the magnetic field. Though
this happens fastest at the viscous scales, also the large scale turbulence is converted into
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magnetic energy, only slower. These effects yield a correlation between magnetic field
and turbulence with different time delays and at different correlation scales. Additionally,
enstrophy is not an ideal measure for turbulence (as discussed in section 3.4.1). It is biased
towards the turbulent smaller cells. These three arguments (turbulence in the ICM is high
in general, the time and scale separation and the non-ideal measurement of turbulence)
can explain the apparent non-correlation between the enstrophy and the magnetic field in
the non-radiative run.

Now we analyse the enstrophy-magnetic field relation in the radiative run. Here, we start
by looking at the star forming regions. They have a higher level of enstrophy, compared
to the ICM. What is also interesting is that, for the star forming regions, there is a
correlation between magnetic field strength and enstrophy. The high enstrophy level in
the star forming regions makes sense, as galaxies are high density regions. In case that they
are additionally turbulent, this would yield high enstrophy values. In galaxies, turbulence
is injected on small scales (predominantly by SN for z > 2). Small-scale turbulence can
be converted to magnetic energy faster with the small-scale dynamo (Pakmor et al., 2017,
2020). This explains the correlation between magnetic field and enstrophy in the star
forming regions. Additionally, the star forming regions are shielded from the ICM, as
hey reside inside galaxies, such that large scale turbulence does not interact with the
turbulence in the galaxies. The minimization of time separation between turbulence being
converted into magnetic energy and the minimization of scale separation of turbulence
could explain the enstrophy-magnetic field correlation in the star forming regions.

The level of enstrophy in the ICM in the radiative run, without the star forming regions,
looks very comparable to the non-radiative run. This confirms our findings from section
3.4, showing no large differences between the enstrophy in the radiative and in the non-radiative
run with redshift. The main reason for turbulence in the ICM are merger (as discussed in
section 3.4.1). As both, the cluster in the radiative run and in the non-radiative run, are
subject to merger, the enstrophy looks very comparable. The explanation for the apparent
non-existence between a magnetic field-enstrophy correlation in the ICM is the same like
for the non-radiative run (discussed in the paragraphs above).

It is interesting to compare the z = 0 panels of the radiative and the non-radiative
simulation. In the non-radiative run, the distribution in the enstrophy-magnetic field
plane seems to consist of two smaller distribution that are vertically aligned, where one
comes with higher magnetic field values. The other comes with lower ones. In the radiative
run, there is only one distribution, which is coinciding with the higher magnetic field values
distribution in the non-radiative run. We already saw in the z = 0 non-radiative density
panel in figure 20a that the dynamo in this simulation is probably not saturated yet.
Thus, the two distributions in the magnetic field-enstrophy phase space diagram could
show regions that are already saturated (the upper distribution) and regions that are not
yet saturated (the lower distribution). As discussed in section 2.3.3, a saturated dynamo
manifests in such a way that the magnetic field backreacts onto the ICM again and releases
parts of the magnetic energy into turbulent energy again. This could explain a higher level
of turbulence in regions that are magnetically saturated.

3.6.3 Magnetic Field - Metallicity Phase Space Diagrams

In figure 20c, we show the metallicity-magnetic field phase space diagram for the radiative
run. Metallicity is a tracer for galactic activity, as the large amount of metals is produced
in galaxies. By tracing the metals in the ICM, we can see how much of the high magnetic
field and metal enriched gas from galaxies pollutes the ICM. We can also check, how it
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affects the magnetic field in the ICM. Figure 20c shows that the high metallicity regions
also come with a strong magnetic field. These are essentially the star forming regions at
z = 6.2 and z = 4. At z = 6.2, the magnetic field growth is dominated by the central
galaxy. This is also displayed here, as the central galaxy also has a higher metal content.

At z = 4.0, the star forming regions have grown a stronger magnetic field, which is
displaced by the distribution wandering upwards in the phase space diagram. Also, this
high metallicity gas starts to pollute the ICM, yielding higher metallicity values in the
ICM. Below the star forming regions in the phase space diagram, a lot of mass is sitting in
an area with a high metal fraction, but low magnetic field strengths. How can we explain
this high metallicity, but low magnetic field gas? There are two possibilities. 1) the
metals are carried by wind particles in our simulation. Stellar wind particles themselves
only carry metals, but no magnetic field (as described in section 2.4.3). If they leave the
galaxy and are deposited into the ICM, they contribute to gas cells with a high metal
amount, but a low magnetic field. 2) high metallicity and high magnetic field gas leaves
the galaxy, through galactic winds or ram pressure striping (we discuss both ideas later in
section 3.8.1 and 3.8.2). The amount of gas in galaxies, compared to the amount of gas
in the ICM is very small. Even if removing all gas from the galaxies, this could explain
overall high metallicity values, but not overall high magnetic field values (we do a more
detailed calculation in section 3.8 to show this). Wind particles that are deposited inside
the galaxy, can explain galactic winds. Wind particles, that are deposited in galaxies,
rather than in the ICM, would also explain the fact, that the radiative run does not show
a higher level of enstrophy. Otherwise the stellar wind particles, leaving galaxies, would
add turbulence to the ICM. This explains, why a magnetic field-metallicity correlation
in the z = 4 panel is not clearly visible, when excluding the star forming regions. This
consolidates the idea that the metal and magnetic field enriched gas only serves in such
a way that it adds higher seed fields to the dynamo, instead of the idea that galaxies
magnetise the ICM on their own.

Looking at the z = 2.0 plot, the emerging picture looks a bit different. In this case,
a correlation between magnetic field and metallicity is also visible in the ICM, when
excluding the star forming regions. This confirms the picture that pre-processing plays an
important role to grow the magnetic field at later times. Substructures that have grown a
magnetic field and high metallicity content themselves constantly merge into the cluster
and cause this correlation (as discussed in section 3.3.5). The z = 0 panel shows that
the distribution in the magnetic field-metallicity phase space is more narrow, compared
to the previous ones. Especially, the low magnetic field and low metallicity regions have
disappeared. We have seen this behaviour already in figure 19, where we saw that, at
lower redshift, the magnetic field and metal radial profiles get enriched in the outskirts
(where the magnetic field and metal values are lower) at the expense of the very central
regions. As was discussed in section 3.5.1, this is either due to the merging of pre-enriched
substructures and a saturated dynamo, or due to the ongoing SN activity of lower mass
stars that pollute also the outer regions with metals.

3.6.4 Discussion

Marinacci et al. (2015), who perform a simulation similar to ours, where they compare the
magnetic field evolution in a radiative and in a non-radiative run in a cosmological box (as
discussed in section 3.3.6), also look at density-magnetic field histograms. In agreement
with our findings, they see that, at high redshifts, the distribution follows the B ∝ ρ2/3

scaling, which is an indicator for adiabatic compression. In the adiabatic run, they also
find that the distribution deviates steeper from the 2/3 scaling with time. They explain
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this with turbulence and shear flows that act on top of the compression of gas and become
more dominant with time. For their radiative simulation, they also have findings that are
comparable to ours. They find that the dynamical range in the magnetic field axis and
on the density axis covers a broader range that increases with time. Interestingly, they
also develop a second branch with an increased magnetic field, that we also identified in
the upper middle panel of figure 20a. Marinacci et al. (2015) attribute this branch to the
interplay of cooling, shear flows and turbulence caused by galactic outflows. They explain
this with the fact that the density, at which the separation of the branches occurs, is also
reached in the adiabatic run. They conclude that higher densities (reached by e.g. cooling)
is not what causes the bimordial distribution and that the reason has to be an increased
level of turbulence, caused by galactic physics. This is in slight contrast to our findings.
We do not see an increased level of turbulence in the radiative simulation. Though we
also attribute the second branch to be caused by galactic gas, we assume that it just
works such that it adds a higher initial magnetic field to start with to a dynamo that is
acting in the ICM (as discussed in section 3.3.4). Their distributions, in the radiative and
in the non-radiative setup, at the lower magnetic field end follows the 2/3 scaling with
density, like we also see it. Thus, we resemble the contribution from adiabatic compression,
that still affects the low magnetic field regions. Marinacci et al. (2015) look at magnetic
field-density histograms for 4 different redshifts z = 2.0, 1.04, 0.50, 0.00, which is in the
later range, compared to the redshifts that we analyse: z = 6.2, 4.0, 2.0, 0.0. The fact
that we, nevertheless, observe similar features can be explained, as follows. Marinacci et
al. (2015) analyse a cosmological box, while we analyse a galaxy cluster. We analyse an
extremely overdense region, in comparison to a cosmological box, that also comes with
low density regions, e.g. in cosmic voids. Compared to our simulation, the simulation of
Marinacci et al. (2015) is thus biased towards lower densities, where a dynamo is potentially
worse resolved. Furthermore, their resolution, even in the high density regions, is worse,
compared to ours, which makes a dynamo less efficient (as was discussed in section 3.3.6).
Additionally, many galaxies form at later redshifts, while we look at a very massive cluster,
where the progenitor explicitly forms very early.

Roh et al. (2019), who simulate an isolated cluster without radiative physics also analyse
a density-magnetic field histogram at t = 4.6Gyrs, which corresponds to a redshift of
z = 1.37. They recover a scaling of B ∝ ρ1/3 and interpret this as result of the dynamo.
This is a lower exponent than the exponent for adiabatic compression, 2/3. In our
non-radiative run, we see a steeper exponent, compared to 2/3, which even grows with
time. As already discussed in section 3.3.6, it could be that they underestimate the level
of turbulence, caused by mergers.

Also Steinwandel et al. (2022), who perform a cosmological, non-radiative simulation,
analyse magnetic field-density phase space diagrams. They look at redshifts of z = 0.3, 0.0,
which they identify as the time, where the dynamo is in the linear phase and in the
non-linear growth phase. A comment at this point is that their cluster experiences a
bigger merger at z = 0.3 which gives potentially rise to the dynamo that they resolve,
while our cluster undergoes larger mergers already at z = 4.5 and frequently from then on.
Matching with our findings, they see the relation that results from flux freezing B ∝ ρ2/3

at the low magnetic field values. At their z = 0, they find that the high magnetic field
values follow the B ∝ ρ1/2 scaling due to diffusive reconnection, as described by S. Xu
& Lazarian (2020), indicating a saturated dynamo in a self-gravitating system. This is
interesting, as we see hints for this scaling in our radiative run, already at z = 2.0, but
not at all in the non-radiative run. A conclusion is that, at z = 2.0, the dynamo in the
non-radiative run is not yet saturated. Steinwandel et al. (2022) do not see this scaling at
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z = 0.3. In our z = 0 panels, both distributions roughly follow the 1/2 scaling, though the
distribution in the non-radiative run still has a contribution from non-saturated regions.
As S. Xu & Lazarian (2020) derive the 1/2 relation for a star forming cloud, that can cool
very efficiently, Steinwandel et al. (2022) highlight that this is not the case for a galaxy
cluster, which can be approximated as being virialized. Nevertheless, they explain the
1/2 scaling that they observe with the fact that merger also drive a galaxy cluster out of
equilibrium and conclude that the 1/2 relation can be upscaled to galaxy clusters.

For the enstrophy and metallicity phase space diagrams, it is more complicated to compare
our findings to the results of other people, as this is rarely investigated in galaxy cluster
simulations. Pakmor et al. (2020) make metallicity-magnetic field phase space diagrams
for their simulated galaxy. They want to trace the magnetisation of galactic outflows.
They analyse the histograms for 3 different redshifts: z = 3.5, 2.0, 0.0. They find that the
high magnetic field gas is also highly metal enriched at z = 3.5 and conclude that the
magnetic field must have been amplified within the galaxy. Essentially, their z = 3.5 plot
looks extremely comparable to our z = 4.0 plot in figure 20c, only that our gas extends
further to lower metallicities. This is interesting, as they only look at the gas directly
around galaxies. A conclusion is that galactic outflows also play a big role in the ICM,
indicating that the high metallicity, high magnetic field gas is indeed produced in the
galaxies. At z = 2.0, their distribution also looks comparable to our z = 2.0 distribution,
only that Pakmor et al. (2020) resemble an almost perfect correlation between magnetic
field strength and metallicity, while our distribution is additionally extended towards the
low magnetic field, high metallicity corner. There are two possible explanations, that we
already introduced in section 3.6.3. The first is given by the effects of the wind particles.
They do not carry any magnetic field, but they carry metals. This could explain the
low magnetic field, but very high metallicity values. The second explanation is given by
the galactic gas being diluted by the ICM (that covers a larger volume, compared to the
galactic halo that Pakmor et al. 2020 analyse) such that the magnetic field values drop
steeply. Their distribution in the z = 0 panel again looks very comparable to ours. We
conclude that the metal and magnetic field distribution int the ICM is thus very closely
linked to the distribution in galaxies and surrounding galaxies.

A general remark regarding the enstrophy and metallicity histograms is that enstrophy
is not a really accurate measurement for turbulence (as was already discussed in section
3.4.1) and that the metal enrichment module, especially at high redshift, also comes with
uncertainties (as was already discussed in section 3.5.1)

3.7 Magnetic and Kinetic Energy Evolution With Time

An indicator for a dynamo manifests through turbulent, kinetic energy that is converted
into magnetic energy. For a turbulent, magnetised medium, where the turbulence is purely
in solenoidal form, a saturated dynamo would imply an equipartition between turbulent
and magnetic energy. In figure 21, we show radial profiles of the magnetic and kinetic
energy densities for the radiative and for the non-radiative run for three different redshifts
z = 4.5, 4.0, 3.5.

We start the analysis by looking at the kinetic energy density (red). It stays roughly
constant within the three different redshifts in the radiative and in the non-radiative run.
This is matching with our analysis of the enstrophy in section 3.4, where we found that
the level of enstrophy (as a proxy for turbulence) is high in general in the ICM and stays
approximately constant with time. When comparing the radiative and the non-radiative
run, we also do not see big differences. This is also matching with the similar enstrophy
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values between the two runs that we found in section 3.4. In the radiative run, the kinetic
energy density is slightly higher in the center. This can be caused by higher densities in the
center or by turbulence in the central regions. The radiative run shows a slightly steeper
profile as a function of radius, compared to the non-radiative run. Reason could be the
higher gas temperatures in the non-radiative run. Higher temperatures yield higher sound
speeds such that the conversion of kinetic energy into internal energy via shock heating is
less efficient (the internal energy profiles, shown in figure A.4, resemble the same profile
like the kinetic energy density in the non-radiative simulation).

The magnetic energy density profiles (blue) in the radiative run change with redshift.
The magnetic energy density rises with time. First, it rises in the center and then it
slowly catches up towards the outer radii. We have already seen this behaviour in the
magnetic field radial profile in figure 19. In the center, the magnetic energy density and
the kinetic energy density are almost in equipartition. This can be a sign for a saturated
dynamo. More likely is that compression of gas also contributes to the high magnetic
energy densities (ϵB/ϵkin > 1 for z = 0 in the center, see figure A.5). In the non-radiative
run, the magnetic energy density stays low within all shown redshifts. This resembles the
picture that a dynamo can saturate faster in the radiative run. The saturation is fasted
reached in the center.
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Figure 21: Radial profiles for the magnetic (blue) and kinetic (red) energy densities within
3 · R200(z). We show the radiative run, on the left, and the non-radiative run on the right.
Different color shades are indicated with the color scheme. We calculate the kinetic energy
density by subtracting the center of mass velocity from all cells: ϵkin = 0.5 · (v−vCM)2 ·ρ.

We study the late time, saturated regime. How much of the kinetic energy can be turned
into magnetic energy? We follow Wittor et al. (2017) and calculate the efficiency factor
CE(z) = ϵB(z)/ϵkin(z) (equation 53). In figure 22, we show the evolution with redshift.
The magnetic energy is saturated at z ≈ 0.1 in the radiative and in the non-radiative
run. The efficiency coefficient in both runs stays constant until low redshift at CE ≈ 33%.
Assuming that the magnetic field is amplified via turbulence with the small-scale dynamo
only, this means that 33% of the kinetic energy can be converted into magnetic energy. The
radiative (left) and the non-radiative (right) run, both look very similar. In the radiative
run, the transition between increasing efficiency factor and constant efficiency factor
happens abrupt. In the non-radiative run, the transition is smoother. The saturation
at z ≈ 0.1 is not matching with our findings from section 3.3, where we saw that the
magnetic field strength stays approximately constant from z = 3.5 on in the radiative and
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from z = 1 on in the non-radiative run. An explanation could be that the kinetic energy
decays between z = 3.5 and z = 0.1 and z = 1 and z = 0.1, respectively, as the magnetic
field strength stays constant at these earlier redshift. However, the fact that the ratio
between magnetic and kinetic energy density stays constant towards the lower redshifts is
characteristic for a saturated dynamo.
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Figure 22: Redshift evolution of the ratio of magnetic energy density, ϵB, and kinetic
energy density, ϵkin, for the radiative run (on the left) and the non-radiative run (right).

3.7.1 Discussion

We compare our findings to the work of Botteon et al. (2022), who perform observations
of the galaxy cluster Abell 2255. The cluster has just experienced a merger and is therefor
assumed to be turbulent. Derived from radio observations, they find an efficiency factor
of turbulent energy to be converted into magnetic energy of CE = 0.05-0.1. We find, in
the saturated regime, CE ≈ 0.33. A possible explanation for this discrepancy is that we
underestimate the kinetic energy the way we calculate it (as discussed below). Also, Abell
2255 just experienced the merger, so it could be the case that the magnetic energy will
grow in the future.

Now we compare our results to the findings emerging from other numerical simulations.
Wittor et al. (2017) also use an efficiency coefficient CE (equation 53). In their simulations
though, they do not include magnetic fields. They measure the turbulent energy dissipation
to calculate a resulting magnetic energy. They use a constant CE ≈ [4%, 5%], following
Beresnyak (2012). Beresnyak (2012) do numerical simulations, where they solve MHD
equations with explicit dissipation with stochastic non-helical driving. They find that
CE ≈ [4%, 5%] is a universal constant. They address the issue of this number being very
small. They explain this by assuming that a possible decorrelation in the velocity field
at the equipartition scale could wander upscale. As another explanation they mention
that, in the dynamo theory, usually a low amount of resistive diffusion is assumed, such
that it results in extremely tangled magnetic fields. According to Beresnyak (2012), in
simulations though, magnetic fields are not observed to be so tangled at the smallest
scales. They highlight that the peak in magnetic energy amplification lies above these
scales. They state that turbulent diffusion, rather than resistive diffusion needs to be
taken into account.

Miniati & Beresnyak (2015a) apply the work of Beresnyak (2012) to the ICM. They
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justify this with describing the ICM to contain statistically isotropically and homogeneous
turbulence. An efficiency coefficient of CE ≈ 4-5% is smaller by more than a factor of 6,
compared to our CE ≈ 33%. An explanation is that Beresnyak (2012) include explicit
diffusion, such that the effects of numerical and explicit diffusion could act on top of
each other and make a dynamo less efficient. We, in contrast, solve the ideal MHD
equations (equations 25- 28) without explicit diffusion. An interesting question would
be to study, which model is more applicable to the ICM. Beresnyak (2012), Miniati &
Beresnyak (2015a) and Wittor et al. (2017) state that CE is an universal factor. We
clearly see a time evolution in this efficiency factor. This shows how the efficiency factor
is dependent on the shape and form of turbulence.

Vazza et al. (2014) perform simulations of the small-scale dynamo in galaxy clusters.
They find an efficiency of the kinetic turbulent energy to be converted into magnetic
energy between CE = 0.1-0.3. Similar to our findings, Vazza et al. (2014) see a time
evolution of the efficiency coefficient. They find that the efficiency factor rises first, when
the magnetic energy gets amplified exponentially. At lower redshift though, this factor
decreases again due to an increase of the kinetic energy. We only look explicitly at the
kinetic energy change at the redshifts z = 4.5, 4.0, 3.5. Within these redshifts though,
the kinetic energy stays approximately constant. Nevertheless, the results of Vazza et
al. (2014) are still closest to our findings for an efficiency of the dynamo to turn kinetic
turbulent energy into magnetic energy. We still sit at the high end of their estimate though.

In general, the efficiency factor is heavily dependent on the properties of the plasma
and also on the properties of the turbulence. It is especially dependent on viscosity and
diffusion, which are hard to observe and, in simulations, heavily affected by numerical
errors. This could explain the degree of uncertainty in this efficiency factor. It could be
that we do not properly estimate the kinetic turbulent energy, as was already discussed
in section 3.4.1. Our estimate of the turbulent kinetic energy could be biased towards
bulk or compressible motions that we did not consider in our analysis. Another reason for
these differences in the efficiency factor is that the level of turbulence is dependent on the
occurrence and frequency of merger. Especially in observations, it is impossible to analyse
the time evolution of this efficiency factor.

3.8 Galaxies

In galaxies, the magnetic field can grow due to a high amount of turbulence and higher gas
densities (see section 3.6). But how can the high magnetic field gas, that is gravitationally
bound to galaxies, emerge from the galaxies to pollute the ICM? In this subsection, we first
show that some of the galaxies indeed lose their gas. Then, we investigate the mechanism
that is responsible for the gas loss. As already introduced in section 2.4, we discuss the
effects of ram pressure striping and galactic winds. We only focus the analysis in this
section on the radiative run.

For the analysis so far, we dubbed the star forming regions as "galaxies". Now, we refer
to galaxies, as the subhalos that are identified with the SUBFIND algorithm (introduced
in section 2.4.3).

In figure 23, we show the gas mass in galaxies in the left panel. In the middle and right
panel, we show only the galaxies without gravitationally bound gas (those from the outer
most left bin in the left panel). We show the distance to the center of mass of the cluster in
the middle panel and the virial temperatures (accordingly to equation 7) in the right panel.
We show the evolution of the subhalos for 5 different redshifts z = 9.0, 6.2, 4.5, 4.0, 3.5. At
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a redshift of z = 9.0, we are in the phase after the collapse of the protocluster, in which the
magnetic field grows primarily in the central galaxy. The redshift z = 6.2 coincides with
the time shortly after or during reionization. The last redshifts, z = 4.5-3.5 correspond to
the time, in which the magnetic field grows exponentially in the radiative run.

We start the analysis by looking at the left panel. We see that a large fraction of galaxies
does not have any self bound gas. The number of galaxies without gravitationally bound
gas rises by almost a factor of 102. At z = 9.0, four subhalos without gas are identified. At
z = 3.5, this number has increased to 300. The number of galaxies without any self-bound
gas makes the largest fraction of all subhalos.

We take a closer look at those subhalos without self-bound gas. In the middle panel
of figure 23, we show their distances to the cluster center of mass. A large fraction of
galaxies already enters the cluster without any gas. These galaxies are sitting at distances
larger than the virial radius, > R200(z). With increasing distance from the center, also
the number of galaxies without gas increases. This can be due to the fact that there are
simply more galaxies in total at higher radii (as the circumference grows together with
the radius). This is interesting, as the effects of ram pressure stripping (see section 2.4.2)
become more dominant with decreasing distance to the center. Three possibilities emerge
from this: First, the galaxies are already pre-processed in the merging substructures (see
section 3.3.6), where they loose their gas, before they enter the cluster. Secondary, galactic
winds, caused by massive SN explosions, set in at high radii, such that they remove the
gas. The third possibility is gas loss due to the high energy radiation that comes with
reionization. We analyse the third possibility in the next paragraph. Comparing the
redshift evolution, we see the same trend imprinted onto all redshifts: most galaxies
without self-bound gas, sit at the highest radii. The fraction decreases towards lower radii
and the total number of galaxies without gas increases with time.

We analyse the right panel, showing the virial temperatures of the galaxies without
any self-bound gas. Galaxies with a virial temperature T200 < 104K can lose their gas
during reionization, that takes place at z ≈ 7 (see section 2.4). At this redshift, the
magnetic field has not yet experienced its exponential growth phase. In our simulation,
FABLE implements the effects of reionization with a time varying, uniform UV background
(introduced in section 2.3.4). For z = 9.0, 6.2, all galaxies without gravitationally bound
gas have virial temperatures below the critical temperature for reionization to unbind
the initial gas T200 < 104K. Only from z = 4.5 on, also galaxies with higher virial
temperatures appear as gas less galaxies in the cluster. For z < 9.0 though, most of
the galaxies have virial temperatures between 103-104K. We conclude that these galaxies
could have lost their gas due to reionization. For the halos at T200 > 104K in the redshift
range 3.5 < z < 4.5 though, reionization is not sufficient to remove the gas, as it is
too gravitationally bound. The range 3.5 < z < 4.5 coincides with the time, where the
magnetic field grows exponentially in the radiative run. In the following, we take a closer
look at these galaxies and try to address the effects of ram pressure stripping and galactic
winds to this.

Figure 23 shows that galaxies lose their gas. The gas in galaxies has higher magnetic field
strengths, compared to those in the ICM. But, Even if all the galaxies in the cluster would
lose their gas though, this would not explain the higher growth rates in the radiative run,
compared to the non-radiative run. We make a simple volume argumentation, assuming
that the galactic gas just expands spherically from galaxies. Assuming that the galactic
gas just expands into the ICM and assuming that the magnetic energy stays constant
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meanwhile, this yields

B2
Cl · VCl = Ngal · B2

gal · Vgal, (62)

such that

BCl
Bgal

=
√

Ngal

(
Rgal
RCl

)3/2
(63)

where BCl is the magnetic field in the cluster, VCl the volume occupied by the cluster
and for the galaxies, respectively and Ngal is the number of galaxies. At z = 0, there are
Ngal = 8792 subhalos that sit within the virial radius of the cluster RCl = 2968.5kpc. The
mean size of a galaxy at this redshift is Rgal = 10.2kpc. The magnetic field strength in
the cluster at this redshift is approximately BCl ≈ 5µG (see figure 15). Thus, in order to
explain this magnetic field strength by removing the gas from galaxies only, the galaxies
would need, on average, to have a magnetic field strength of Bgal = 264.75µG, which we
do not observe. Figure 15 shows instead that the galaxies reach magnetic field strengths
at the order of 20µG. This is lower by more than a factor of 10. We conclude that the
gas in the galaxies only gives higher initial seed fields to a dynamo in the ICM, instead of
magnetising the ICM on their own.

Figure 23: Histogram of the number of galaxies that have a certain gas mass (left panel).
The galaxies with little, to no gas mass (outer left bin) are additionally shown in the middle
and right panel. From these halos without any self-bound gas, we show the distance from
the center (middle panel) in units of the virial radius R200(z) and the virial temperature
(right panel), from equation (7). We show the evolution for 5 different redshifts, indicated
with the color scheme.

3.8.1 Ram Pressure Stripping

Ram pressure stripping is a process that can remove gas from galaxies (introduced in
section 2.4.2). Galaxy clusters and their environments are high density regions, which
makes ram pressure stripping likely to occur. This does not only account for the cluster,
but also for the merging substructures. Ram pressure stripping is discussed to solve the
Butcher-Oemler effect (introduced in section 2.4.2), which describes the decreasing amount
of blue galaxies in galaxy clusters with decreasing redshift. Ram pressure stripping can
also be important in the context of pre-enrichment (discussed in section 3.3.6). Here, it
can remove gas from galaxies in the merging substructures, such that it is mixed with the
ICM after the substructures merge into the cluster.
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In figure 24, we show projections of the cluster from the radiative run at 4 different
redshifts z = 6.2, 4.5, 4.0, 3.5. The projections have sidelengths of 6 · R200(z) and a similar
projection depth. The virial radius is indicated with the white circle. We show projections
of the magnetic field strength on the upper panel and projections of the metallicity in the
lower panel. Each red point indicates a galaxy, that fulfills the Gunn and Gott criterion
(equation 57) for ram pressure stripping to occur (introduced in section 2.4.2).

Figure 24 shows that ram pressure stripping is very likely to occur. This trend remains
throughout all redshifts. The number of galaxies that could be affected by ram pressure
striping increases with time. In the cluster, the identified galaxies sit at all radii. The
radial independence for ram pressure stripping to occur can be caused by high densities
in the ICM at high radii or low galaxy masses, such that the gravitational binding force
onto the galaxy is low. Most galaxies though that fulfill the Gunn and Gott criterion
lie beyond the virial radius, inside of merging substructures. This is especially true for
z = 6.2. What is interesting is that most galaxies that reside in merging substructures,
sit in high metallicity and high magnetic field gas halos. We conclude that ram pressure
stripping is a possible mechanism that removes gas from galaxies to enrich the halos of
merging substructures. This can be important in the cluster, but also in the merging
subhalos that add their pre-enriched gas to the ICM, when they merge with the main
cluster.
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Figure 24: We show projections of the cluster in the radiative run with sidelengths of
6 ·R200(z) and a similar projection depth. The redshift-dependent virial radius is indicated
with the white circle. We show projections of the volume weighted root mean square
magnetic field strength (upper panel) and the mass weighted metallicity (lower panel) for
the radiative run. Red marker indicate the galaxies, identified with SUBFIND that are
subject to ram pressure stripping, according to equation (57).

3.8.2 Galactic Winds

We take a closer look at four of the galaxies that we identify as possible ram pressure
candidates. We take one galaxy, that sit inside the virial radius of the cluster, from each
redshift plot in figure 24. In figure 25, we show magnetic field and metallicity projections
of these galaxies. We indicate twice the half mass radii of the galaxies with the white
circles. We indicate the direction of the center of mass velocity of the galaxy, relative to
the surrounding ICM, with the red arrows. We show galaxies at four different redshift
z = 6.2, 4.5, 4.0, 3.5.
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Figure 25 shows that indeed high magnetic field and metal enriched gas is removed from
the galaxies for z = 4.5, 4.0, 3.5. At z = 6.2, we see that the galaxy is surrounded by a
metal enriched halo. This halo is not enriched with a high magnetic field. At this high
redshift, the magnetic field grows predominantly in the center, where the most massive
galaxy sits (see figure 15). Metals are created earlier, compared to magnetic fields (see
figure 17), at the same time that the first stars are created. The enrichment of a metal
enriched, but magnetic field poor halo can be due to the SN wind model in FABLE. The
SN inject wind particles that carry metallicity, but no magnetic field. These wind particles
can leave the galaxy and recouple in the ICM. For the galaxy at z = 6.2, we see artifacts
of our SN wind module.

We see morphological hints for ram pressure stripping only in the galaxy at z = 4.5. The
stripped gas is moving in anti parallel velocity direction and forming a tail like structure
behind the galaxy. The galaxies at z = 4.0 and z = 3.5 do not show this feature though.
At z = 4.0 and z = 3.5, the morphology of the removed gas is more characteristic for
galactic outflows. The outflows lie in front of the galaxies, whereas ram pressure stripping
would cause the gas to move behind the galaxies. Also, the removed gas extends over a
large region, whereas ram pressure stripped gas is thought to form a more narrow tail.
Especially for the galaxy at z = 4.0, we see hints for a bipolar outflows that would be
characteristic for galactic winds. The fact that the metals seem to be spread more smoothly
within the projected area, compared to the agetic field (also at z = 6.2), is an indicator for
SN driven winds. As discussed in section 2.4.3, the wind particles in FABLE carry metals,
but no magnetic field. If deposited in the ICM, the magnetic field in the galaxies remains
untouched. If deposited inside the galaxy, the wind particles deposit their momentum,
which can lead the gas cell, including its magnetic field and metallicity, to leave the
galaxy. This could be an explanation for the slightly more smooth metal distribution. We
conclude that galactic winds caused by galaxies are a possible mechanism to remove gas
from galaxies.

We show that SN wind particles are likely to occur. We show the evolution of the star
formation rate (SFR) in galaxies with redshift in figure 26. The SFR is proportional to
the SN rate, as star particles and wind particles (for high mass stars; the local wind)
are created in the same timestep (see section 2.4.3). We only include galaxies that sit
within the virial radius of the cluster. We add up the SFRs of all gas cells that are inside
galaxies. Figure 26 shows that the high SFRs are high in the redshift range 4.5 > z > 3.5.
At these high redshifts, the cluster consists only of a few galaxies. At z = 4.5, it contains
28 galaxies, while at z = 0, it contains 8792 galaxies. Normalizing the SFR by the number
of galaxies, yields even higher SFRs per single galaxies at the high redshifts. We conclude
that the star formation efficiency and thus, the SN rate is way higher in these high redshift
galaxies, compared to the lower redshift ones. An additional effect is that the high redshift
galaxies are smaller, compared to the low redshift galaxies (an average radius of a galaxy
at z = 4.5 is Rgal ≈ 5kpc, while at z = 0.0 it is Rgal ≈ 10kpc in our simulation). In
smaller galaxies, that also have a lower mass, wind particles can more easily remove the
gas from galaxies, as it is less gravitationally bound. We conclude that SN feedback in
high redshift galaxies is a possible cause for removing gas from galaxies.

3.8.3 Discussion

Observations show that galaxies undergo a morphology change in galaxy clusters. They
transform from blue and gas rich galaxies to quenched, red ones. This is described by
the Butcher-Oemler effect, as described in section 2.4.2. We also see this evolution in our
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Figure 25: We show projections of four of the galaxies identified in figure 24 that lie within
the cluster virial radius. We show projections with sidelengths of 6 ·R200(z) in units of the
virial radii of the galaxies and a similar projection depth. The redshift-dependent virial
radius is indicated with the white circle. We show projections of the volume weighted
root mean square magnetic field strength (upper panel) and the mass weighted metallicity
(lower panel) for the radiative run. Red arrows indicate the center of mass velocity of the
galaxies, relative to the mean velocity of the ICM within 5 · R200(z) < R < 6 · R200(z).
We show galaxies at four different redshifts: z = 6.2, 4.5, 4.0, 3.5.
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Figure 26: We show the evolution of the summed up star formation rate of all star forming
cells that are inside subhalos, within the virial radius of the cluster R200(z) with redshift.

simulation, starting already at high redshift z = 9 and becoming more pronounced with
time. Also other simulations support this picture. Dolag et al. (2009) find that, at z = 0,
only about one percent of all galaxies inside the virial radius have self-bound gas.

We start by discussing the effects of reionization. In our analysis, we assumed that
reionization occurs at z ≈ 7 and affects all galaxies with T200 <= 104K. Observationally,
the redshifts, at which reionization occurs can be inferred from quasar observations at high
redshift (Barkana & Loeb, 2001). Clouds of neutral hydrogen that lie on the line of sight
to the quasar modify its spectrum which gives hints about the corresponding redshifts. In
fact, reionization spans over a larger redshift range (Barkana & Loeb, 2001). Such a time
range would result in slightly different virial temperatures of galaxies that are subject to
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reionization. Also, the ability of reionization to ionize a galaxy is highly dependent on
the stellar content within the galaxy. This makes reionization not equally efficient in all
subhalos. In our simulation, FABLE implements a uniform, time varying UV background,
which does not take into account the spatial variability. Thus, it is possible that we
overestimate the effects of reionization and the gas mass loss of small galaxies due to this.
This would yield even stronger hints that the galaxies have to lose their gas via some other
channel (ram pressure stripping and galactic winds).

Different groups performed simulations to study the ability of reionization to quench
small galaxies. Shapiro et al. (2004) perform numerical simulations, including a model
for radiative transfer in order to study the effects of reionization. They find that, at
z = 7 − 9, small mass galaxies with M200 < 107M⊙ can lose all their gas. As ionizing
sources, they take SN and high redshift quasars into account. Barkana & Loeb (1999)
find that between z = 10 − 5, the halos with T200 < 104K can lose all their gas. This gas
can enrich the surrounding material. They state that, according to theory of structure
formation, this concerns 50-90 % of all galaxies.

Madau et al. (2001) suggest that photoreionization combined with SN feedback can create
a galactic halo of already pre-enriched gas. They assume that the same stars are the source
for the ionizing photons and for SN feedback. They find that reionization heats the gas
around halos. Madau et al. (2001) state that tangled SN can create superbubbles, filled
with hot gas, that sweep up gas from the galaxy and that expands into the pre-heated halo.
The thermal pressure of the halo halters the outflowing galactic gas and keeps it trapped
in the halo. This could be interesting in the context of pre-enrichment. The effects of
reionization can cause galactic gas to be moved into galactic halos, where it is efficiently
stripped by the cluster (as the gravitational binding force onto the galaxy is lower at
higher distances from the galaxies center) and added to the ICM. This gas can already be
enriched with a high magnetic field. We conclude that, at high redshifts, also reionization
can lead low mass galaxies to lose gas in the ICM and in merging substructures. The
question is though, how effectively small mass galaxies have grown a strong magnetic field
at these high redshifts.

Now we discuss the effects of ram pressure stripping. We begin with a general remark
on our method of estimating the effects of ram pressure stripping (according to equation
57). We made a lot of simplifying assumptions and probably overestimate the number
of galaxies that are subject to ram pressure striping. Galaxies do not always move face
on. Galaxies are also not cylinders, nor do they have a constant density. Also magnetic
draping needs to be considered. As a galaxy moves through the ICM, magnetic field lines
can drape around it. This can potentially shield the galaxy, as the ICM is transported
along the field lines (Sparre et al., 2019). Most studies find that ram pressure stripping
alone cannot remove all the gas contained in galaxies. Especially in the bulge, the gas is
too gravitationally bound (Abadi et al., 1999; Quilis et al., 2000).

The effects of ram pressure stripping can be observed e.g. via observations of neutral
hydrogen. Serra et al. (2023) make neutral hydrogen observations in the Fornax cluster.
They identify several ram pressure stripped galaxies that carry a tail of neutral hydrogen.
They contribute this to ram pressure stripping, as the tails lie within the radial movement
of the galaxies. They find that the densities in the Fornax ICM are too low for ram
pressure stripping to occur. They suggest that tidal interactions lift the galactic gas into
the halos, where it is less gravitationally bound and can be more easily stripped by the
ICM. We did not investigate tidal interactions in our analysis. The Fornax cluster is less
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massive than our simulated cluster by a factor of more than 50. This would yield lower
gas densities in the ICM of the Fornax cluster that is less effective in strippng the gas
from galaxies. Our ram pressure analysis shows that many galaxies can potentially be
ram pressure stripped, even without accounting for tidal interaction.

Vogelsberger et al. (2018) use a similar galaxy formation module, compared to ours. The
difference to our module is that their wind is purely kinetic and their AGN radio bubble
model has a slight modification. They take clusters from a cosmological simulation and
analyse the origin of metals in the ICM. They find that ram pressure stripping contributes
to 10-15 percent of the total metal content in the ICM. They find that ram pressure
stripping is more dominant near cluster center, whereas galactic winds are mostly what
outdrives metals at the outskirts. At z = 0, most metals (80 %) are accreted via merging
substructures. This is matching with our findings on the effects of pre-enrichment. We do
not see a radial dependence for the ram pressure stripping candidate galaxies. Dolag et
al. (2009), who do cluster zoom-in simulations, taken from a cosmological simulation find
that, at z = 0, only one percent of all galaxies inside their simulated cluster has self-bound
gas. They find a radial dependence and address ram pressure stripping to this. As we do
not see a radial dependence of the ram pressure galaxy candidates, we can not definitely
say that ram pressure stripping is responsible for removing the gas.

In the following, we discuss the possible effects of galactic winds. Fujita et al. (2008)
perform X-ray observations of the cluster binary A399 and A401. They find a uniform
metal distribution within the area, in which both clusters sit. They exclude ram pressure
stripping as the reason, because the gas densities are too low. They suggest that the
cluster has formed in an environment that is already pre-enriched with metals. According
to Fujita et al. (2008), the pre-enrichment can be due to AGN outbursts or episodes
of intense star formation at high redshift z > 2. Comparing this to our findings, an
interesting question is to think about when a cluster actually forms. We attribute the
homogeneous metal distribution to the accretion of already pre-enriched substructures.
We state that the cluster, mainly consisting of the BCG at high redshift, accretes these
pre-enriched substructures. To say that the cluster forms in a pre-enriched environment is
maybe another way of describing the same effect. In general, we can resemble the peak of
star formation to be at z ≈ 2, which is also inferred from observations Hughes et al. (1998).

M. Hou et al. (2021) perform X-ray observations of galaxies in the Virgo cluster. They
study 80 low to intermediate mass galaxies. They find that most of the galaxies, 72 out
of 80, have lost their gas. Only two galaxies show morphological features for ram pressure
stripping. They also perform observations of field galaxies and see the same trend. They
conclude that galactic winds are the main cause for removing the gas, as field galaxies do
not live in high density environments, where they are affected by ram pressure stripping.
Comparing to our findings, we see only one out of four galaxies with morphological hints
pointing towards ram pressure stripping. Also matching with our findings, we see galaxies
that are not inside the cluster, without any self-bound gas.

Koudmani et al. (2021) use the same galaxy formation model like us, FABLE, to study
the quenching of low mass galaxies at high redshift. They find that, at high redshift z > 2,
AGN in quasar mode are responsible for removing gas from low mass galaxies. For low
redshift galaxies z < 2, they find that SN feedback is the reason. This is somewhat in
contradiction to what is usually assumed: SN feedback is dominant for z > 2 and AGN
feedback for z < 2 (Mutch et al., 2013). Koudmani et al. (2021) state that they probably
overestimate the amount of stellar feedback. This could lead to reduced AGN feedback at
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low redshift, as the stellar feedback quenches the gas reservoir for the AGN. On the other
side, they find larger AGN black hole masses, than is usually assumed, in some of their
low mass galaxies. This leads to strong galactic winds at high redshift. As we use the
same galaxy formation model, the overestimation of stellar feedback and black hole masses
might also play a role in our simulations. We would need to investigate the time evolution
of AGN and stellar feedback in our galaxies further in order to determine whether this is
the case.

Höller et al. (2014) study clusters in their simulations. They find that the largest contribution
from galactic gas inside the ICM comes from galactic winds. They state that the effect of
ram pressure stripping only becomes important at low redshift and shows a strong radial
trend.

A remark at this point is that we did not perform any detailed analysis on the ouflows from
galaxies. We have not in detail studied the outflows from galaxies due to stellar or AGN
feedback. We also did not perform a detailed morphology analysis of mutliple possibly ram
pressure stripped galaxies. We also did not perform a detailed analysis of our implemented
UV background that could give hints about the effects due to reionization. We only
analysed certain indicators for ram pressure stripping, galactic winds and photonionization
to occur. Namely applying the Gunn and Gott criterion to galaxies to identify possible
ram pressure stripped candidates, look at the morphology of the removed gas of four of
these galaxies, look at the SFR evolution with time and calculating virial temperatures of
galaxies without any self-bound gas.

However, we see that a large fraction of galaxies loses their gas. This fraction increases with
time. In our simulation, we see possible effects of reionization, ram pressure stripping and
galactic winds. Probably, it is an interplay of these. Though we need to perform a more
sophisticated analysis (as described above), the points mentioned in this discussion-section
let the following picture emerge: galaxies lose their gas, in the cluster but also outside the
cluster. Ram pressure stripping alone is probably not responsible for removing all the gas
from galaxies. It is thought to have a radial dependence and to become more dominant
with lower redshift (as discussed above). SN outflows are thought to play a more dominant
role at higher redshift, whereas AGN outflows are thought to play a dominant role at lower
redshift. We see hints for galactic outflows caused by SN feedback in the morphology of
the displaced gas, as well as the high SFR at high redshifts. The discussion in this
section shows that it is important to also simulate the environments of clusters (as in a
cosmological box). Otherwise, the effects of accreted halos are not considered. Galactic
physics are highly dependent on the underlying model for galaxy formation. These come
with big uncertainties and can yield potentially very different results.
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4 Summary and Outlook
We summarise our methodology and findings. We analysed zoom-in simulations of the fifth
most massive cluster from a cosmological box. We analysed two different simulations of
this cluster: 1) the radiative simulation, which includes the galaxy formation module and
the MHD module, and 2) the non-radiative simulation, which includes the MHD module
only. The former’s galaxy formation module includes models for gas cooling, AGN seeding,
growth and feedback, and stellar formation and feedback. We studied and compared the
magnetic field evolution in both simulations from z = 47-10−2, in order to isolate the
effects of galaxy formation on the magnetic field evolution. We studied the magnetic field
and metal enrichment of merging substructures. We analysed the amount of turbulence in
both simulations. We studied the correlation between enstrophy-magnetic field strength,
and the correlation between density-magnetic field strength in both simulations. In
the simulation, including the galaxy formation module, we analysed the contribution of
galaxies. Moreover, we looked at enstrophy-magnetic field and density-magnetic field
correlations in the galaxies in detail. We studied the gas masses in galaxies. We identified
galaxies that can be subject to gas loss during reionization, due to ram pressure stripping
or due to galactic winds.
Our conclusions are as follows:

• The magnetic field strength reaches values of ∼ 5µG in the center in both simulations
(figure 15). The magnetic field has higher growth rates in the radiative run (figure
16). The final field strengths are already reached at z = 3.5. In the non-radiative
run, this happens at z = 1. Inside galaxies, the magnetic field reaches higher values
compared to the ICM. In the radiative run, the growth experiences one exponential
growth phase, where the magnetic field grows almost independent on resolution
(figure 16). It grows with a similar rate in the ICM and in the galaxies (figure 16).
In the non-radiative run, the magnetic field experiences two growth phases (figure
15). Each phase has a different growth rate (figure 16).

• The galaxies potentially lose their high magnetic field gas, which pollutes the ICM
(figure 23). We conclude that the galactic gas adds higher initial magnetic field
values to a dynamo in the ICM. Galaxies are not able to magnetise the ICM on their
own, as the mass ratio between all star forming gas and total gas in the ICM is low.
In galaxies, the magnetic field can grow fast due to high densities and a high amount
of turbulence. The magnetic field strength is positively correlated to density and
enstrophy in the star forming regions (figures 20a and 20b).

• A large fraction of galaxies loses their gas. The fraction of galaxies without any
self-bound gas increases with time (figure 23). In many of those galaxies, the
conditions for ram-pressure stripping to occur are fulfilled (figure 24). We looked at
the morphological features of the displaced gas of four of these galaxies. One galaxy
shows morphological evidence for ram pressure stripping, namely the displacement
of gas aligned with the velocity of the galaxy. Three galaxies show indications
for galactic winds caused by SN. Namely a smoother distribution of the displaced
metallicity in comparison to a narrower distribution of the displaced magnetic field
gas. This is characteristic for our SN wind model (figure 25). Furthermore, photoionization
due to reionization can remove gas from high redshift, low mass galaxies. The virial
temperatures of these galaxies lie below the critical temperature for gas loss due to
reionization (figure 24).

• At high redshift, between the collapse of the protocluster and the first bigger merger,
9.5 > z > 4.5, the magnetic field growth is dominated by the central region (figure
15). This is dominated by the BCG at these high redshift.
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• The other channel to grow the magnetic field in the ICM goes via mergers. Galaxy
clusters grow by merging with substructures. These have developed their own,
already metal and magnetic field enriched ICM. This is added to the ICM of the
main cluster after the merger. This process is referred to as pre-enrichment (figure
17). The constant merging of substructures that are pre-enriched leads to a positive
correlation between the magnetic field strength and the metallicity from z ≈ 2 and
onwards (figure 20c).

• We see indicators for a turbulent small-scale dynamo in the ICM and in the galaxies.
The evidences are: the rise of magnetic field after events that drive turbulence
(figure 15), the constant ratio between the magnetic and the kinetic energy density
as redshift decreases (figure 22), the positive correlation between the magnetic field
strength and the enstrophy in the star forming regions (figure 20b), and the magnetic
field-density scaling B ∝ ρ1/2 in the radiative run, beginning from z = 2 on (figure
20a). The latter is an indicator for a saturated dynamo.

• We identify three events that lead to an amplification of the magnetic field. The
first one is the collapse of the protocluster at z = 9.5. This enables higher densities
and thus higher magnetic field strengths. It also adds turbulence to the ICM via
a structure formation shock. The second and the third one are the 2 mergers at
z = 4.5 and z = 2, which inject turbulence to the ICM. These mergers could be
responsible for the two different growth phases in the non-radiative run (figure 15).

• The evolution in the magnetic field radial profiles across a large redshift range (9.5 >
z > 0) is very similar to the evolution of the metallicity profiles in the same redshift
range (figure 18). From z = 2 on, we see a positive correlation between metallicity
and magnetic field strength in the ICM (figure 20c). The reason for the similarity in
the higher redshift range, 4.5 > z > 3.5, is that both, magnetic field and metallicity
enrichment are dominated by the BCG. At lower redshifts, z < 2, we explain the
correlation between magnetic field and metallicity with mergers that bring their
metal and magnetic field enriched gas into the ICM. Turbulence mixes the central
with the outer radii gas.

• At z = 0 both simulations - the radiative and the non-radiative simulation show
similar features in the magnetic field. The spatial distribution, morphology, and the
inferred field strengths look very similar (figure 13).

• The main drivers for turbulence in the ICM are the collapse of the protocluster,
as well as mergers, that are constantly occurring. The level of turbulence remains
high and nearly constant with redshift. Due to this, the amounts of turbulence in
the radiative and non-radiative run are very similar. Only the central ICM in the
radiative run shows a higher amount of turbulence at high redshift (9.5 > z > 4.5).
This phenomenon is possibly caused by SN feedback (figure 18). We do not see a
correlation between enstrophy and magnetic field strength in the ICM in both runs
(figure 20b).

• At very high redshift, z > 9.5, the magnetic field is lowered due to adiabatic
expansion, caused by the expansion of the universe (figure 15).

• The density profiles in both simulations look very similar, especially at lower redshifts.
At z = 0, they can be described with a single beta profile. At higher redshift, the
radiative run shows higher densities in the very center, caused by radiative cooling,
that enables higher densities (figure 19).
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Having summarized the results of our analysis, we will now discuss some of its shortcomings.
We mainly use indirect indicators for what happens in the simulations. For example, we
use enstrophy as measurement for turbulence and conclude that a dynamo can act in the
ICM. It would be useful to make a powerspectrum of the turbulent energy, as well as of the
magnetic energy. This could yield a clear proof that we develop turbulence (the turbulent
powerspectrum should scale, accordingly to the Kolmogorov spectrum in equation 20)
and that we can resolve a dynamo (the magnetic power should scale, accordingly to the
Kazantsev spectrum in equation 48).

The efficiency of a dynamo is dependent on the smallest scales that we can resolve. So far,
we only analysed the effects of the resolution on the growth rate of the magnetic field for
two different resolutions: zoom8 and zoom12. At least in the radiative run, these did yield
similar results with only small differences. It would be interesting to see, how a higher
resolution affects the magnetic field growth in the radiative run. Can we grow the field
faster in the galaxies? Also a higher resolution in the non-radiative simulation would be
interesting to study. Which resolution without galaxy formation is needed in order to grow
the magnetic field equally fast as in the radiative simulation, but at a lower resolution?

Another improvement to our analysis would be to monitor more carefully, how exactly
the galaxies lose their gas. We did not analyse the AGN interactions inside galaxies.
An idea for doing this would be to trace the outflowing flux from a specific galaxy and
compare it to the SN and AGN activity, as well as constantly check if the ram pressure
stripping criterion is fulfilled. For the ram pressure stripping criterion, we would need to
take the inclination of the galaxy towards the ICM into account. A more sophisticated
morphological study of the outflows could be performed. We would need to perform this
analysis on a sample of galaxies. Another point is that the galactic physics is strongly
dependent on our galaxy formation model. Different galaxy formation models show huge
differences among different simulation codes (as discussed in section 3.8.3). We would
need to carefully compare the outputs of different simulations and find relations to the
underlying galaxy formation modules. Moreover, tidal interactions between the cluster
and a galaxy can potentially strip gas from galaxies, which we also have not investigated.

We only analyse one cluster from the simulation, which is the fifth most massive one. This
prevents us from making general statements about the magnetic field evolution in the ICM,
as we are heavily biased towards more massive clusters. These clusters experience mergers
at an increased rate. Additionally, the AGN in high mass clusters has more powerful
outputs compared to lower mass clusters (as discussed in section 2.4.3), which can modify
the magnetic field evolution. Furthermore, galaxy clusters are not completely self-similar.
Each cluster has a unique history and appearance. Therefore, our analysis could be heavily
biased towards exactly this cluster, which we analysed. A next step would be to simulate
a sample of clusters and analyse all of them in order to make more general statements
about the magnetic field evolution.

Our analysis has shown how important it is to consider the evolution of galaxies in order
to understand the evolution of magnetic fields in the ICM. The interplay of magnetic
fields in galaxies and the ICM can yield a faster growth of the magnetic field in the ICM,
compared to only considering non-radiative approaches. Our analysis has also shown how
important it is to simulate environmental effects. Large contributions to the magnetic field
in the ICM come from pre-enriched merging substructures. However, in order to get an
unambiguous picture, a more sophisticated analysis is required to prove our hypothesis.
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(a) The radiative run.
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(b) The non-radiative run.
Figure A.1: Radial profiles of the zoom12 run within R < R200(z = 3.98) = 120kpc of
the ratio of turbulent velocities, computed as the gas velocities subtracted by the center
of mass velocity of the cluster and the thermal gas velocity, computed from the internal
energy of the gas.
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Figure A.2: Histogram of the cellsizes vs. normalised densities in the zoom12 radiative
(left) and non-radiative (right) run at z = 3.98. The normalisation ρ0 = 4.05·10−25g/cm−3

corresponds to the star forming threshold, such that below 1, we are looking at the ICM
and above 1, we are looking at the ISM.

Figure A.3: The ratio of the actual black hole accretion rate, ṀBH, and the Eddington
accretion rate, ṀEdd. We show the ratio for the central AGN of halo3 and halo4 (analysed
in this thesis) of the zoom8 run. The green, horizontal line at ṀBH/ṀEdd = 10−2 indicates
the differentiation between quasar mode feedback (ṀBH/ṀEdd > 10−2) and radio mode
feedback (ṀBH/ṀEdd < 10−2). For z < 2, radio mode feedback is the dominant feedback
channel in halo4.
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non-radiative run on the right. Different color shades are indicated with the color scheme
and display different redshifts: z = 4.5, 4.0, 3.5. We calculate the kinetic energy density
by subtracting the center of mass velocity from all cells: ϵkin = 0.5 · (v − vCM)2 · ρ.
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